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crosses to the regime w(z) < →1 [133] where the null
energy condition (NEC)—which requires that the en-
ergy density of dark energy not increase with the expan-
sion of the Universe—is violated. For single scalar-field
models of dark energy, this phantom crossing presents
severe theoretical di!culties [e.g., 134, 135]. However,
more complex models of dark energy, with multiple fields,
other dark energy internal degrees of freedom, or non-
minimal coupling, can evade these di!culties, as can
some modified gravity models, see, e.g., [136–140]. We
therefore adopt wide uniform priors on the parameters,
w0 ↑ U [→3, 1] and wa ↑ U [→3, 2], together with imposing
the condition w0+wa < 0 to enforce early matter domina-
tion. While other justifiable choices are possible, and the
values of Bayesian quantities such as the model evidence
will always depend on the particular choice used, we con-
sider this the minimal empirical approach. Whenever
the equation of state crosses the w = →1 boundary we
use the parametrized post-Friedmann (PPF) approach
of [141, 142] to include dark energy perturbations when
calculating CMB power spectra—however, as shown be-
low, the method of accounting for dark energy perturba-
tions does not play a major role, since simply applying
an early-Universe CMB prior on (ω→, εb, εc) largely re-
produces the same results on w0 and wa.

Our primary measure of the statistical significance of
preference for evolving dark energy from a given data
combination is based on ”ϑ

2

MAP
between the best-fit

#CDM and w0waCDM models for that combination. Be-
cause #CDM is nested within w0waCDM, correspond-
ing to w0 = →1, wa = 0, Wilks’ theorem [143] implies
that ”ϑ

2

MAP
should follow a ϑ

2 distribution with two
degrees of freedom under the assumption the null hypoth-
esis (#CDM model) holds, and assuming that errors are
Gaussian and correctly estimated. To translate ”ϑ

2

MAP

into familiar terms, we quote the corresponding frequen-
tist significance Nϖ for a 1D Gaussian distribution,

CDFω2

(
”ϑ

2

MAP
| 2 dof

)
=

1↓
2ϱ

∫ N

↑N
e
↑t2/2

dt , (22)

where the left hand side denotes the cumulative distribu-
tion of ϑ

2. We also compute the Deviance Information
Criterion (DIC) [144–147], which takes into account the
Bayesian complexity of the model and penalizes including
extra parameters.

A. Results

From DESI DR2 BAO alone, we obtain rather weak
constraints on the parameters

w0 = →0.48+0.35
↑0.17

wa < →1.34

}
DESI BAO, (23)

which mildly favor the w0 > →1, wa < 0 quadrant. The
upper bound on wa here is the 68% limit, and wa = 0
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FIG. 11. Results for the posterior distributions of w0 and
wa, from fits of the w0waCDM model to DESI in combina-
tion with CMB and three SNe datasets as labelled. We also
show the contour for DESI combined with CMB alone. The
contours enclose 68% and 95% of the posterior probability.
The gray dashed lines indicate w0 = →1 and wa = 0; the
!CDM limit (w0 = →1, wa = 0) lies at their intersection.
The significance of rejection of !CDM is 2.8ω, 3.8ω and 4.2ω

for combinations with the Pantheon+, Union3 and DESY5
SNe samples, respectively, and 3.1ω for DESI+CMB without
any SNe.

is not excluded at 95%. As was the case in DR1, BAO
data alone define a degeneracy direction in the w0-wa

plane, but they do not show a strong preference for dark
energy evolution: the improvement in ϑ

2

MAP
relative to

the #CDM case of w0 = →1, wa = 0 is equivalent to a
preference of just 1.7ϖ. Note that the posteriors in this
poorly constrained case are cut o$ by the priors, so the
marginalized means and limits quoted above are prior-
dependent.

The minimal extension we consider, beyond BAO data
alone, is to add a high-redshift constraint from the early
universe. This can be achieved by imposing CMB-derived
priors on ω→, εb and εbc, as described in Section IV.
These priors are independent of the late-time dark en-
ergy, and also marginalize over contributions such as the
late ISW e$ect and CMB lensing. Therefore, they pro-
vide us with an early time physics prior that can help
us set the sound horizon and is based solely on early-
Universe information. The result from this data combi-
nation is

w0 = →0.43 ± 0.22

wa = →1.72 ± 0.64

}
DESI+(ω→, εb, εbc)CMB. (24)

While this is still bounded by the wa > →3 prior at the
lower end, the posterior already clearly disfavors #CDM.
The ”ϑ

2

MAP
value decreases to →8.0, indicating a prefer-

5

The combination of BAO and cosmic microwave back-
ground (CMB) anisotropies is powerful for two reasons.
First, the CMB provides tight constraints on ωb and ωbc,
leading to a 0.2% determination of rd from eq. (2) (for
standard Ne! = 3.04). As a result, the BAO+CMB
combination allows absolute measurements of DM(z) and
DH(z). Second, the same physics imprints both the BAO
and the acoustic peaks in the CMB power spectrum [26].
The angular scale of these peaks, denoted ε→, is measured
with exquisite precision (fractional error → 10↑4), giving
a near-perfect measurement of DM(z→)/r→, where r→ is
the comoving sound horizon at the end of recombina-
tion, at redshift z→ ↑ 1089. Figure 1 shows a pedagogical
view of the cosmological role of these measurements of
the expansion history.

Type Ia supernovae (SNe) are standardizable candles
which serve as low-redshift probes in addition to BAO,
measuring the luminosity distance DL(z) = (1+z)DM(z).
The SNe Hubble diagram provided the first direct ev-
idence for cosmic acceleration [27, 28], and subsequent
cosmological surveys have obtained well measured light
curves for many hundreds of supernovae out to z = 1 and
beyond (e.g., [29–31], and references therein). BAO and
SNe measurements constrain dark energy and neutrino
masses through their impact on the background evolu-
tion, thus determining H(z). Assuming that general rel-
ativity (GR) correctly describes the dynamics of expan-
sion, the evolution of H(z) is governed by the Friedmann
equation, which can be written

H(z)

H0

=
[
!bc(1 + z)3 + !ω(1 + z)4 + !K(1 + z)2+

!ε
ϑε(z)

ϑε,0
+ !DE

ϑDE(z)

ϑDE,0

]1/2
.

(6)

Here !bc = !b + !c and !ω , !K, !ε and !DE refer
to the energy densities in radiation, curvature, neutrinos
and dark energy, respectively. We refer to the fractional
energy density in matter as !m, which includes neutrinos
when they are non-relativistic. The energy densities of
baryons and cold dark matter scale as (1 + z)3. The
scaling of the neutrino energy density transitions from
(1 + z)3 to (1 + z)4 at high redshifts, when (1 + z) →
(mε/5 ↓ 10↑4 eV) [32, 33]. The sum of neutrino masses
determines the present day density [34]

!εh
2 =

∑
mε

93.14 eV
. (7)

For BAO cosmology, the important characteristic of
‘CDM’ is that its energy density scales as (1 + z)3, both
before and after recombination, and that it does not cou-
ple non-gravitationally to photons or baryons in a way
that a”ects the scale of the acoustic oscillations. Some
variations such as self-interaction or ‘warm’ thermal ve-
locities would a”ect small scale clustering and galaxy for-
mation but not BAO. Decaying dark matter, on the other
hand, would alter the (1 + z)3 energy scaling even if the
dark matter is cold and non-interacting, thus a”ecting
the BAO scale.

The #CDM model assumes a cosmological constant
dark energy (#) with energy density c

2
ϑDE that is con-

stant in space and time. If dark energy has an equation-
of-state parameter w(z) ↔ P (z)/(c2ϑDE(z)) where P (z)
is its pressure, then its energy density evolves as

ϑDE(z)

ϑDE,0
= exp

[
3

∫ z

0

[1 + w(z↓)]
dz

↓

1 + z↓

]
. (8)

For constant w, the r.h.s. of eq. (8) is simply (1+z)3(1+w),
and a cosmological constant corresponds to w = ↗1.
A commonly used parametric model expresses w(z) in
terms of the expansion factor a = (1 + z)↑1,

w(a) = w0 + wa(1 ↗ a) , (9)

so that w evolves from a value → (w0 + wa) at high red-
shift to a present-day value of w0. This parametrization
accurately represents the behavior of many physically
motivated dark energy models [35–37], though more com-
plicated evolution is possible. We refer to models that
assume CDM and eq. (9) as w0waCDM and models with
constant w (i.e., wa = 0) as wCDM. In the w0waCDM
model the integral of eq. (8) can be evaluated analyti-
cally, yielding

ϑDE(a)

ϑDE,0
= a

↑3(1+w0+wa)e
↑3wa(1↑a)

. (10)

Through most of this paper we will assume a flat uni-
verse and thus !K = 0 in eq. (6), motivated by the tight
constraints obtained on !K when it is allowed to vary
freely [38].

The combination of BAO, CMB, and SNe data has
allowed tight constraints on the energy density !DE and
equation-of-state w(z) of dark energy, on space curvature
!K, on neutrino masses

∑
mε , and on many possible

departures from standard cosmology (see, e.g., [39–42]).
For reviews that explain the complementary constrain-
ing power of CMB, BAO, SNe, weak lensing, and other
cosmological measurements, see [23, 43, 44]. The analy-
sis of the DESI DR1 measurements from [21, 22] in [38]
provided tight constraints on parameters of the #CDM
model and intriguing hints of evolving dark energy, with
significances ranging from → 2.5ϖ to → 3.9ϖ depending on
the combination of datasets used for the analysis. The
analysis of the full shape of the power spectrum mea-
sured with galaxies and quasars [45, 46] confirmed these
findings and added new information on the amplitude of
perturbations and modified gravity parameters [47].

Rapidly evolving dark energy, with |wa| → 1, would be
an astounding discovery, and these results have inspired
both enthusiastic theorizing and healthy skepticism. In
our analysis here of the DESI DR2 BAO results, we pay
particular attention to the nature and statistical signif-
icance of the evidence for evolving dark energy and to
how that evidence depends on the choice of datasets. We
also examine the constraints on

∑
mε from the DESI

DR2 data in combination with CMB and SNe, for both

DESI DR2, 2503.14738

w(z) =
P(z)
ρ(z)
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I. INTRODUCTION

Nature would be cruel if dark energy were a cosmologi-
cal constant. Unfortunately this daunting possibility is
increasingly likely as observations converge towards an
equation of state of w " !1. Combining galaxy, cosmic
microwave background (CMB) and Type Ia supernovae
(SNIa) data, Seljak et al. [1] recently found !1:1 & w &
!0:9 at 1!. On the one hand, a cosmological constant is
theoretically simple as it involves only one parameter.
However, observations would offer no further guidance
to explain its minuteness, whether due to some physical
mechanism or anthropic reasoning [2].

A more fertile outcome is w ! !1. This implies dy-
namics—the vacuum energy is changing in a Hubble
time—and hence, new physics. A well-studied candidate
is quintessence [3,4], a scalar field " rolling down a self-
interaction potential V#"$. Its equation of state,

w" "
_"2=2! V#"$
_"2=2% V#"$ ; (1)

can be <! 1=3 for sufficiently flat V#"$ and thus lead to
cosmic speed-up. Whether dark energy is quintessence or
something else, this case offers hope that further observa-
tions, either cosmological or in the solar system, may
unveil the underlying microphysics of the new sector.

An even more exciting possibility is w<!1. In fact
there are already indications of this [5,6] from various
independent analyses of the ‘‘Gold’’ SNIa data set [7].
Moreover, by constraining redshift parametrization of
w#z$ they also exclude that this could result from assuming
a constant w [8,9]. The w<!1 regime would rule out
quintessence since w" & !1 [see Eq. (1)], as well as most
dark-energy models.

Devising consistent models with w<!1 has proven to
be challenging. Existing theories generally involves
ghosts, such as phantom models [10], resulting in insta-
bilities and other pathologies [11]. Fields with nonminimal

couplings to gravity, such as Brans-Dicke theory, can
mimic w<!1 [12]. However, solar-system constraints
render the Brans-Dicke scalar field nearly inert, thereby
driving w indistinguishably close to !1. Other proposals
for w<!1 include brane-world scenarios [13], quantum
effects [14], quintessence-moduli interactions [15], and
photon-axion conversion [16].

In this paper we show that w<!1 naturally arises if
quintessence interacts with dark matter. The mechanism is
simple. Because of the interaction, the mass of dark matter
particles depends on ". Consequently, in the recent past
the dark matter energy density redshifts more slowly than
the usual a!3, which, for fixed present matter density,
implies a smaller matter density in the past compared to
normal cold dark matter (CDM).

An observer unaware of the interaction and fitting the
data assuming normal CDM implicitly ascribes this dark
matter deficit to the dark energy. The effective dark-energy
fluid thus secretly receives two contributions: the quintes-
sence part and the deficit in dark matter. The latter is
growing in time, therefore causing the effective dark-
energy density to also increase with time, hence w<!1.

Treating dark matter as noninteracting is a sine qua non
for inferring w<!1. There are no wrong-sign kinetic
terms in our model—in fact the combined dark matter
plus dark-energy fluid satisfies w>!1. Hence the theory
is well defined and free of instabilities.

Interacting dark matter/dark energy models have been
studied in various contexts [17–23]. Huey and Wandelt
[24] realized that coupled dark matter/quintessence can
yield an effectivew<!1. (See also [25] for similar ideas.)
However, the dynamics in [24] are such that DM density
becomes negligibly small for z * 1, thereby forcing the
addition of a second noninteracting DM component. In
contrast, our model involves a single (interacting) DM
component.

Given the lack of competing consistent models, we
advocate that measuring w<!1 would hint at an interac-
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crosses to the regime w(z) < →1 [133] where the null
energy condition (NEC)—which requires that the en-
ergy density of dark energy not increase with the expan-
sion of the Universe—is violated. For single scalar-field
models of dark energy, this phantom crossing presents
severe theoretical di!culties [e.g., 134, 135]. However,
more complex models of dark energy, with multiple fields,
other dark energy internal degrees of freedom, or non-
minimal coupling, can evade these di!culties, as can
some modified gravity models, see, e.g., [136–140]. We
therefore adopt wide uniform priors on the parameters,
w0 ↑ U [→3, 1] and wa ↑ U [→3, 2], together with imposing
the condition w0+wa < 0 to enforce early matter domina-
tion. While other justifiable choices are possible, and the
values of Bayesian quantities such as the model evidence
will always depend on the particular choice used, we con-
sider this the minimal empirical approach. Whenever
the equation of state crosses the w = →1 boundary we
use the parametrized post-Friedmann (PPF) approach
of [141, 142] to include dark energy perturbations when
calculating CMB power spectra—however, as shown be-
low, the method of accounting for dark energy perturba-
tions does not play a major role, since simply applying
an early-Universe CMB prior on (ω→, εb, εc) largely re-
produces the same results on w0 and wa.

Our primary measure of the statistical significance of
preference for evolving dark energy from a given data
combination is based on ”ϑ

2

MAP
between the best-fit

#CDM and w0waCDM models for that combination. Be-
cause #CDM is nested within w0waCDM, correspond-
ing to w0 = →1, wa = 0, Wilks’ theorem [143] implies
that ”ϑ

2

MAP
should follow a ϑ

2 distribution with two
degrees of freedom under the assumption the null hypoth-
esis (#CDM model) holds, and assuming that errors are
Gaussian and correctly estimated. To translate ”ϑ

2

MAP

into familiar terms, we quote the corresponding frequen-
tist significance Nϖ for a 1D Gaussian distribution,

CDFω2

(
”ϑ

2

MAP
| 2 dof

)
=

1↓
2ϱ

∫ N

↑N
e
↑t2/2

dt , (22)

where the left hand side denotes the cumulative distribu-
tion of ϑ

2. We also compute the Deviance Information
Criterion (DIC) [144–147], which takes into account the
Bayesian complexity of the model and penalizes including
extra parameters.

A. Results

From DESI DR2 BAO alone, we obtain rather weak
constraints on the parameters

w0 = →0.48+0.35
↑0.17

wa < →1.34

}
DESI BAO, (23)

which mildly favor the w0 > →1, wa < 0 quadrant. The
upper bound on wa here is the 68% limit, and wa = 0
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FIG. 11. Results for the posterior distributions of w0 and
wa, from fits of the w0waCDM model to DESI in combina-
tion with CMB and three SNe datasets as labelled. We also
show the contour for DESI combined with CMB alone. The
contours enclose 68% and 95% of the posterior probability.
The gray dashed lines indicate w0 = →1 and wa = 0; the
!CDM limit (w0 = →1, wa = 0) lies at their intersection.
The significance of rejection of !CDM is 2.8ω, 3.8ω and 4.2ω

for combinations with the Pantheon+, Union3 and DESY5
SNe samples, respectively, and 3.1ω for DESI+CMB without
any SNe.
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the #CDM case of w0 = →1, wa = 0 is equivalent to a
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poorly constrained case are cut o$ by the priors, so the
marginalized means and limits quoted above are prior-
dependent.
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universe. This can be achieved by imposing CMB-derived
priors on ω→, εb and εbc, as described in Section IV.
These priors are independent of the late-time dark en-
ergy, and also marginalize over contributions such as the
late ISW e$ect and CMB lensing. Therefore, they pro-
vide us with an early time physics prior that can help
us set the sound horizon and is based solely on early-
Universe information. The result from this data combi-
nation is

w0 = →0.43 ± 0.22

wa = →1.72 ± 0.64

}
DESI+(ω→, εb, εbc)CMB. (24)

While this is still bounded by the wa > →3 prior at the
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The ”ϑ
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MAP
value decreases to →8.0, indicating a prefer-



Significant evolution of w?

No ghost, w > − 1

23

crosses to the regime w(z) < →1 [133] where the null
energy condition (NEC)—which requires that the en-
ergy density of dark energy not increase with the expan-
sion of the Universe—is violated. For single scalar-field
models of dark energy, this phantom crossing presents
severe theoretical di!culties [e.g., 134, 135]. However,
more complex models of dark energy, with multiple fields,
other dark energy internal degrees of freedom, or non-
minimal coupling, can evade these di!culties, as can
some modified gravity models, see, e.g., [136–140]. We
therefore adopt wide uniform priors on the parameters,
w0 ↑ U [→3, 1] and wa ↑ U [→3, 2], together with imposing
the condition w0+wa < 0 to enforce early matter domina-
tion. While other justifiable choices are possible, and the
values of Bayesian quantities such as the model evidence
will always depend on the particular choice used, we con-
sider this the minimal empirical approach. Whenever
the equation of state crosses the w = →1 boundary we
use the parametrized post-Friedmann (PPF) approach
of [141, 142] to include dark energy perturbations when
calculating CMB power spectra—however, as shown be-
low, the method of accounting for dark energy perturba-
tions does not play a major role, since simply applying
an early-Universe CMB prior on (ω→, εb, εc) largely re-
produces the same results on w0 and wa.

Our primary measure of the statistical significance of
preference for evolving dark energy from a given data
combination is based on ”ϑ

2

MAP
between the best-fit

#CDM and w0waCDM models for that combination. Be-
cause #CDM is nested within w0waCDM, correspond-
ing to w0 = →1, wa = 0, Wilks’ theorem [143] implies
that ”ϑ

2

MAP
should follow a ϑ

2 distribution with two
degrees of freedom under the assumption the null hypoth-
esis (#CDM model) holds, and assuming that errors are
Gaussian and correctly estimated. To translate ”ϑ

2

MAP

into familiar terms, we quote the corresponding frequen-
tist significance Nϖ for a 1D Gaussian distribution,

CDFω2

(
”ϑ

2

MAP
| 2 dof

)
=

1↓
2ϱ

∫ N

↑N
e
↑t2/2

dt , (22)
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tion of ϑ

2. We also compute the Deviance Information
Criterion (DIC) [144–147], which takes into account the
Bayesian complexity of the model and penalizes including
extra parameters.

A. Results

From DESI DR2 BAO alone, we obtain rather weak
constraints on the parameters

w0 = →0.48+0.35
↑0.17

wa < →1.34

}
DESI BAO, (23)

which mildly favor the w0 > →1, wa < 0 quadrant. The
upper bound on wa here is the 68% limit, and wa = 0
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FIG. 11. Results for the posterior distributions of w0 and
wa, from fits of the w0waCDM model to DESI in combina-
tion with CMB and three SNe datasets as labelled. We also
show the contour for DESI combined with CMB alone. The
contours enclose 68% and 95% of the posterior probability.
The gray dashed lines indicate w0 = →1 and wa = 0; the
!CDM limit (w0 = →1, wa = 0) lies at their intersection.
The significance of rejection of !CDM is 2.8ω, 3.8ω and 4.2ω
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is not excluded at 95%. As was the case in DR1, BAO
data alone define a degeneracy direction in the w0-wa

plane, but they do not show a strong preference for dark
energy evolution: the improvement in ϑ
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the #CDM case of w0 = →1, wa = 0 is equivalent to a
preference of just 1.7ϖ. Note that the posteriors in this
poorly constrained case are cut o$ by the priors, so the
marginalized means and limits quoted above are prior-
dependent.

The minimal extension we consider, beyond BAO data
alone, is to add a high-redshift constraint from the early
universe. This can be achieved by imposing CMB-derived
priors on ω→, εb and εbc, as described in Section IV.
These priors are independent of the late-time dark en-
ergy, and also marginalize over contributions such as the
late ISW e$ect and CMB lensing. Therefore, they pro-
vide us with an early time physics prior that can help
us set the sound horizon and is based solely on early-
Universe information. The result from this data combi-
nation is

w0 = →0.43 ± 0.22

wa = →1.72 ± 0.64
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While this is still bounded by the wa > →3 prior at the
lower end, the posterior already clearly disfavors #CDM.
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crosses to the regime w(z) < →1 [133] where the null
energy condition (NEC)—which requires that the en-
ergy density of dark energy not increase with the expan-
sion of the Universe—is violated. For single scalar-field
models of dark energy, this phantom crossing presents
severe theoretical di!culties [e.g., 134, 135]. However,
more complex models of dark energy, with multiple fields,
other dark energy internal degrees of freedom, or non-
minimal coupling, can evade these di!culties, as can
some modified gravity models, see, e.g., [136–140]. We
therefore adopt wide uniform priors on the parameters,
w0 ↑ U [→3, 1] and wa ↑ U [→3, 2], together with imposing
the condition w0+wa < 0 to enforce early matter domina-
tion. While other justifiable choices are possible, and the
values of Bayesian quantities such as the model evidence
will always depend on the particular choice used, we con-
sider this the minimal empirical approach. Whenever
the equation of state crosses the w = →1 boundary we
use the parametrized post-Friedmann (PPF) approach
of [141, 142] to include dark energy perturbations when
calculating CMB power spectra—however, as shown be-
low, the method of accounting for dark energy perturba-
tions does not play a major role, since simply applying
an early-Universe CMB prior on (ω→, εb, εc) largely re-
produces the same results on w0 and wa.

Our primary measure of the statistical significance of
preference for evolving dark energy from a given data
combination is based on ”ϑ
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tion of ϑ

2. We also compute the Deviance Information
Criterion (DIC) [144–147], which takes into account the
Bayesian complexity of the model and penalizes including
extra parameters.

A. Results

From DESI DR2 BAO alone, we obtain rather weak
constraints on the parameters
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which mildly favor the w0 > →1, wa < 0 quadrant. The
upper bound on wa here is the 68% limit, and wa = 0
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for combinations with the Pantheon+, Union3 and DESY5
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any SNe.
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the #CDM case of w0 = →1, wa = 0 is equivalent to a
preference of just 1.7ϖ. Note that the posteriors in this
poorly constrained case are cut o$ by the priors, so the
marginalized means and limits quoted above are prior-
dependent.

The minimal extension we consider, beyond BAO data
alone, is to add a high-redshift constraint from the early
universe. This can be achieved by imposing CMB-derived
priors on ω→, εb and εbc, as described in Section IV.
These priors are independent of the late-time dark en-
ergy, and also marginalize over contributions such as the
late ISW e$ect and CMB lensing. Therefore, they pro-
vide us with an early time physics prior that can help
us set the sound horizon and is based solely on early-
Universe information. The result from this data combi-
nation is

w0 = →0.43 ± 0.22

wa = →1.72 ± 0.64

}
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While this is still bounded by the wa > →3 prior at the
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ergy density of dark energy not increase with the expan-
sion of the Universe—is violated. For single scalar-field
models of dark energy, this phantom crossing presents
severe theoretical di!culties [e.g., 134, 135]. However,
more complex models of dark energy, with multiple fields,
other dark energy internal degrees of freedom, or non-
minimal coupling, can evade these di!culties, as can
some modified gravity models, see, e.g., [136–140]. We
therefore adopt wide uniform priors on the parameters,
w0 ↑ U [→3, 1] and wa ↑ U [→3, 2], together with imposing
the condition w0+wa < 0 to enforce early matter domina-
tion. While other justifiable choices are possible, and the
values of Bayesian quantities such as the model evidence
will always depend on the particular choice used, we con-
sider this the minimal empirical approach. Whenever
the equation of state crosses the w = →1 boundary we
use the parametrized post-Friedmann (PPF) approach
of [141, 142] to include dark energy perturbations when
calculating CMB power spectra—however, as shown be-
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tions does not play a major role, since simply applying
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is not excluded at 95%. As was the case in DR1, BAO
data alone define a degeneracy direction in the w0-wa

plane, but they do not show a strong preference for dark
energy evolution: the improvement in ϑ
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relative to

the #CDM case of w0 = →1, wa = 0 is equivalent to a
preference of just 1.7ϖ. Note that the posteriors in this
poorly constrained case are cut o$ by the priors, so the
marginalized means and limits quoted above are prior-
dependent.

The minimal extension we consider, beyond BAO data
alone, is to add a high-redshift constraint from the early
universe. This can be achieved by imposing CMB-derived
priors on ω→, εb and εbc, as described in Section IV.
These priors are independent of the late-time dark en-
ergy, and also marginalize over contributions such as the
late ISW e$ect and CMB lensing. Therefore, they pro-
vide us with an early time physics prior that can help
us set the sound horizon and is based solely on early-
Universe information. The result from this data combi-
nation is

w0 = →0.43 ± 0.22

wa = →1.72 ± 0.64

}
DESI+(ω→, εb, εbc)CMB. (24)

While this is still bounded by the wa > →3 prior at the
lower end, the posterior already clearly disfavors #CDM.
The ”ϑ

2

MAP
value decreases to →8.0, indicating a prefer-

DESI reveals ghost, “phantom”? 
Well, not so fast

First of all, evidence 
overwhelming yet.

And, it a result of parameterization

5

The combination of BAO and cosmic microwave back-
ground (CMB) anisotropies is powerful for two reasons.
First, the CMB provides tight constraints on ωb and ωbc,
leading to a 0.2% determination of rd from eq. (2) (for
standard Ne! = 3.04). As a result, the BAO+CMB
combination allows absolute measurements of DM(z) and
DH(z). Second, the same physics imprints both the BAO
and the acoustic peaks in the CMB power spectrum [26].
The angular scale of these peaks, denoted ε→, is measured
with exquisite precision (fractional error → 10↑4), giving
a near-perfect measurement of DM(z→)/r→, where r→ is
the comoving sound horizon at the end of recombina-
tion, at redshift z→ ↑ 1089. Figure 1 shows a pedagogical
view of the cosmological role of these measurements of
the expansion history.

Type Ia supernovae (SNe) are standardizable candles
which serve as low-redshift probes in addition to BAO,
measuring the luminosity distance DL(z) = (1+z)DM(z).
The SNe Hubble diagram provided the first direct ev-
idence for cosmic acceleration [27, 28], and subsequent
cosmological surveys have obtained well measured light
curves for many hundreds of supernovae out to z = 1 and
beyond (e.g., [29–31], and references therein). BAO and
SNe measurements constrain dark energy and neutrino
masses through their impact on the background evolu-
tion, thus determining H(z). Assuming that general rel-
ativity (GR) correctly describes the dynamics of expan-
sion, the evolution of H(z) is governed by the Friedmann
equation, which can be written

H(z)

H0

=
[
!bc(1 + z)3 + !ω(1 + z)4 + !K(1 + z)2+

!ε
ϑε(z)

ϑε,0
+ !DE

ϑDE(z)

ϑDE,0

]1/2
.

(6)

Here !bc = !b + !c and !ω , !K, !ε and !DE refer
to the energy densities in radiation, curvature, neutrinos
and dark energy, respectively. We refer to the fractional
energy density in matter as !m, which includes neutrinos
when they are non-relativistic. The energy densities of
baryons and cold dark matter scale as (1 + z)3. The
scaling of the neutrino energy density transitions from
(1 + z)3 to (1 + z)4 at high redshifts, when (1 + z) →
(mε/5 ↓ 10↑4 eV) [32, 33]. The sum of neutrino masses
determines the present day density [34]

!εh
2 =

∑
mε

93.14 eV
. (7)

For BAO cosmology, the important characteristic of
‘CDM’ is that its energy density scales as (1 + z)3, both
before and after recombination, and that it does not cou-
ple non-gravitationally to photons or baryons in a way
that a”ects the scale of the acoustic oscillations. Some
variations such as self-interaction or ‘warm’ thermal ve-
locities would a”ect small scale clustering and galaxy for-
mation but not BAO. Decaying dark matter, on the other
hand, would alter the (1 + z)3 energy scaling even if the
dark matter is cold and non-interacting, thus a”ecting
the BAO scale.

The #CDM model assumes a cosmological constant
dark energy (#) with energy density c

2
ϑDE that is con-

stant in space and time. If dark energy has an equation-
of-state parameter w(z) ↔ P (z)/(c2ϑDE(z)) where P (z)
is its pressure, then its energy density evolves as

ϑDE(z)

ϑDE,0
= exp

[
3

∫ z

0

[1 + w(z↓)]
dz

↓

1 + z↓

]
. (8)

For constant w, the r.h.s. of eq. (8) is simply (1+z)3(1+w),
and a cosmological constant corresponds to w = ↗1.
A commonly used parametric model expresses w(z) in
terms of the expansion factor a = (1 + z)↑1,

w(a) = w0 + wa(1 ↗ a) , (9)

so that w evolves from a value → (w0 + wa) at high red-
shift to a present-day value of w0. This parametrization
accurately represents the behavior of many physically
motivated dark energy models [35–37], though more com-
plicated evolution is possible. We refer to models that
assume CDM and eq. (9) as w0waCDM and models with
constant w (i.e., wa = 0) as wCDM. In the w0waCDM
model the integral of eq. (8) can be evaluated analyti-
cally, yielding

ϑDE(a)

ϑDE,0
= a

↑3(1+w0+wa)e
↑3wa(1↑a)

. (10)

Through most of this paper we will assume a flat uni-
verse and thus !K = 0 in eq. (6), motivated by the tight
constraints obtained on !K when it is allowed to vary
freely [38].

The combination of BAO, CMB, and SNe data has
allowed tight constraints on the energy density !DE and
equation-of-state w(z) of dark energy, on space curvature
!K, on neutrino masses

∑
mε , and on many possible

departures from standard cosmology (see, e.g., [39–42]).
For reviews that explain the complementary constrain-
ing power of CMB, BAO, SNe, weak lensing, and other
cosmological measurements, see [23, 43, 44]. The analy-
sis of the DESI DR1 measurements from [21, 22] in [38]
provided tight constraints on parameters of the #CDM
model and intriguing hints of evolving dark energy, with
significances ranging from → 2.5ϖ to → 3.9ϖ depending on
the combination of datasets used for the analysis. The
analysis of the full shape of the power spectrum mea-
sured with galaxies and quasars [45, 46] confirmed these
findings and added new information on the amplitude of
perturbations and modified gravity parameters [47].

Rapidly evolving dark energy, with |wa| → 1, would be
an astounding discovery, and these results have inspired
both enthusiastic theorizing and healthy skepticism. In
our analysis here of the DESI DR2 BAO results, we pay
particular attention to the nature and statistical signif-
icance of the evidence for evolving dark energy and to
how that evidence depends on the choice of datasets. We
also examine the constraints on

∑
mε from the DESI

DR2 data in combination with CMB and SNe, for both
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potential energy density is generically of the form

V (ω) = m
2
f
2

[
1 + cos

(
ω

f

)]
, (1)

where m is the pNGB e!ective mass. For such a field
to provide the dark energy, the discussion above implies
f ↭ 1018 GeV, and the shift-symmetry breaking scale
M →

↑
mf ↓ 3 ↔ 10→3 eV [5]. In the recent literature,

these models are often referred to as ultra-light axions.
For comparison, for the QCD axion, M ↓ 100 MeV,
typically f ↗ 1012 ↘ 1016 GeV for axion dark matter,
and the axion mass m = M

2
/f is of order 10→5 ↘ 10→9

eV.
Assuming the canonical Lagrangian for a scalar field,

L = (1/2)gµωεµωεωω↘V (ω), neglecting spatial perturba-
tions, the equation of motion of the field in an expanding
universe is given by

ω̈+ 3Hω̇+
dV

dω
= 0 , (2)

where the expansion rate at late times is given by

H
2 =

8ϑ

3M2

Pl

(ϖm + ϖε) . (3)

Here, ϖm is the matter density, and the energy density of
the homogeneous scalar field is

ϖε =
1

2
ω̇
2 + V (ω) . (4)

The time-evolution of ϖε is determined by H and by
the equation-of-state parameter, wε = pε/ϖε, where the
scalar-field pressure is

pε =
1

2
ω̇
2 ↘ V (ω) . (5)

For a given form of the potential, V (ω), and initial value
of the scalar field, ω(ti) → ωi at some early time ti ≃ t0,
this dynamical system can be solved to obtain ω(t) and
thus the expansion history (assuming spatial flatness) as

H(z)2

H
2

0

= E(z)2 = ”m(1 + z)3 + ”ε gε(z) , (6)

where gε(z) → ϖε(z)/ϖε(z = 0) is the redshift-dependent
scaling of the scalar field energy density.

In “thawing” scalar field models, the driving term
dV/dω in Eq.(2) is subdominant at early times compared
to the Hubble-damping term 3Hω̇. In this limit, the field
is e!ectively frozen at its initial value ωi, hence ω̇(ti) = 0,
ϖε(ti) = V (ωi), and wε(ti) = ↘1. Once the Hubble ex-
pansion rate drops below the curvature of the potential,
H(z) <

√
|d2V/dω2| ↗ m, the field begins to roll, devel-

ops non-negligible kinetic energy, and wε grows from ↘1
[e.g., 33]. Thawing models include standard potentials of
the form V (ω) = ±(1/2)m2

ω
2 + ϱω

4 (with ϱ > 0), the
pNGB model above, and polynomials V (ω) =

∑n
i=1

aiω
i

with ai ⇐ 0. Note that the “thawing” evolution of wε

corresponds to wa < 0 in the w0wa parametrization [23],
the region of parameter space favored by the recent data.
As an example, for a free, massive scalar with

V (ω) = (1/2)m2
ω
2, the condition ”ε = 0.7 implies

(m/H0)ω(t0)/MPl ↓ 0.44 in the limit where ω̇
2 ≃ V (ω).

For m/H0 ↭ 1 (or ↫ 1), the field begins rolling be-
fore the present epoch (or not), and the present value
of the equation-of-state parameter w0 → wε(t0) can be
measurably above ↘1 (or not). For the massive scalar
model with ”ε = 0.7, numerically we find w0 ↓ ↘1 +
(1/7)(m/H0)2 to good approximation for m ↫ H0.
The evolution of several scalar field models is shown in

Fig. 1. While there have been a variety of approximate
solutions and fits to late-time scalar field evolution in
the literature [e.g., 25, 26, 34, 35], numerical experiments
show that the redshift-evolution of wε for these simple
thawing models is very well approximated by the form
[31]

w
fit

ε (z) = ↘1 + (1 + w0)e
→ϑz

, (7)

which has the asymptotic behaviors w
fit

ε (z = 0) = w0,

w
fit

ε (z ⇒ 1/ς) = ↘1. The best-fit value of ς, which sets
the characteristic redshift interval #z ↗ 1/ς over which
w(z) evolves, is only weakly dependent on w0 and on
the form of V (ω) and is generally in the narrow range
ς = 1.35 ↘ 1.55; this value and narrow range reflects
the fact that in these models the evolution timescale is
approximately set by the scalar field mass, which is of
order H0 as noted above. For all the cases shown in
Fig. 1, this function fits the scalar-field wε(z) to better
than 0.004 (0.008) at redshifts z < 1 (z < 2) (middle
panel of Fig. 1), fits the theoretical luminosity distance at
z < 2 to a fractional error better than 0.04%, and fits the
scalar-field expansion history H(z) to better than 0.05%
over the same redshift range, well below the precision of
current and future measurements. The approximation of
Eq. (7) holds if the e!ective scalar mass

√
|d2V/dω2| is

not large compared to H0; otherwise, the field will begin
oscillating around the minimum of its potential before the
present epoch and will not give rise to cosmic acceleration
at late times. At the other limit,

√
|d2V/dω2| ≃ H0, as

noted above, the field will still be frozen, w0 = ↘1, and
the model is indistinguishable from $CDM.
From Eq. (7), the redshift-scaling of the scalar field

energy density is given by

g
fit

ε (z) = exp [3eϑ (1 + w0) {E1(ς)↘ E1(ς+ ςz)}] , (8)

where E1(x) is the exponential integral. The exponen-
tial integral E1(x) has a fast computational algorithm
through the convergent series

E1(x) = ↘φ ↘ lnx↘
↑∑

k=1

(↘x)k

k k!
, (9)

where φ ⇑ 0.577216 is the Euler–Mascheroni constant
[36]. Numerical implementations of E1(x) are also readily
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FIG. 4. Top panel: amplitude of DV(z) relative to that given
by the best-fit !CDM cosmology from Planck. The orange
points with error bars are from the DESI DR2 measurements.
The solid curves show the predicted values using our best-
fit wωCDM model (black curve) and the best-fit w0waCDM
model from Ref. [20] (green curve). Bottom panel: distance
modulus µ(z) relative to that given by the best-fit !CDM
cosmology from Planck. The solid curves represent the pre-
dicted values for the same models in the top panel. The data
points represent the distance modulus from the DES-SN5YR
dataset, as binned by Ref. [20] in seven redshift bins. These
points can shift uniformly up or down since the absolute mag-
nitude of the SNe is unconstrained. We provide two versions
of these points, one that minimizes the error-weighted dis-
tance from the best-fit wωCDM model (black points) and one
that does so for the best-fit w0waCDM model (green points).
Subpercent precision in both of these observables in multi-
ple redshift bins up to z → 1 will be necessary to distinguish
wωCDM from the !CDM or w0waCDM model.

In this section, we provide forecasts for cosmological
datasets from imminent or next-generation surveys and
facilities. These future datasets are BAO measurements
from the extended DESI survey (Section IVA) and four
cosmology probes from the Vera C. Rubin Observatory
Legacy Survey of Space and Time (LSST): 3 → 2pt cor-
relations (Section IVB), clusters (Section IVC), SNe Ia
(Section IVD), and strong lensing (Section IVE). Sec-
tion IVF presents the forecast precision on w0 and !m

from these future datasets. As the fiducial cosmology for
this forecast, we adopt our best-fit wωCDM cosmology
with the NEC prior for the “All (with DESI DR1+SDSS
BAO)” case in Table II (i.e., w0 = ↑0.908 ± 0.035,
!m = 0.821± 0.007, and ω = 1.45).

A. DESI-extension BAO

The DESI collaboration has proposed an extension of
the baseline five-year, 14,000 sq. deg. survey that would
improve the precision of BAO measurements by increas-
ing the density of Luminous Red Galaxy (LRG) tar-
gets, increasing the completeness of emission line galaxy
(ELG) targets, and increasing the survey area by 20%
[67]. Using their forecast BAO uncertainties, we create a
mock dataset for DM/rd and DH/rd measurements in 31
redshift bins of width ”z = 0.1 with 0 < ze! < 3.25. We
sample from the corresponding posterior using Cosmo-
SIS and emcee [68]. We provide the mock DM/rd and
DH/rd measurements we used in Appendix A.

B. LSST 3↑ 2pt

To forecast constraints from LSST’s weak lensing and
galaxy clustering measurements, we use the mock Year-
10 datasets for galaxy–galaxy, shear–shear, and galaxy–
shear two-point correlations generated in the Rubin
LSST Dark Energy Science Collaboration (DESC) Sci-
ence Requirements Document [SRD; 69]. The SRD
adopted a sky coverage of 14,300 sq. deg. after Year 10,
which reaches an i-band median depth of 26.35 (for 5ε
point-source detection). The lens sample in the mock
dataset adopts ten tomographic bins between 0.2 ↓ z ↓
1.2 with uniform widths of 0.2, with a limiting magni-
tude of ilim = 25.3 and a number density of 48 arcmin→2.
The source galaxies are divided into five redshift bins,
with no upper cuto# in the largest redshift bin, and an
e#ective number density of 27 arcmin→2. We forecast the
cosmological parameter constraints using the Fisher ma-
trix, adapting the DESC-SRD code suite2 that generates
the required mock datasets for this purpose. The cosmo-
logical calculations in this code suite are performed with
CosmoLike [70]. We marginalize the e#ect of calibrate-
able systematics from the bias in the mean photo-z as
implemented in the abovementioned code suite.

C. LSST clusters

We use the mock Year-10 dataset generated by the
aforementioned DESC-SRD code suite for the cluster
weak lensing and tomographic cluster count analyses.
The cluster counts are binned in five redshift bins uni-
formly spaced between 0.2 and 1 and five richness bins
with non-uniform widths between 20 and 220, and no
error is assumed in the cluster redshifts. The stacked
weak lensing observables are considered in the 1-halo
regime. We use the Fisher matrix to obtain the fore-
cast constraints on the cosmological parameters from this

2 https://github.com/CosmoLike/DESC_SRD
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TABLE I. Adopted priors on the cosmological and nuisance
parameters relevant to the various datasets used in this paper.
See Ref. [2] for definitions of the cosmological parameters that
are not defined in this paper and of the CMB parameters, and
Ref. [46] for definitions of the strong lensing parameters. The
stated uniform priors for !b, ...,

∑
mω are only used when

LSS or CMB datasets are used. For the other datasets, we fix
these four parameters at the best-fit Planck 2018 values [2],
since the other probes are not sensitive to them.

Parameter Prior

Cosmology

h U(0.55, 0.91)
!m U(0.1, 0.9)
w0 U(→1,→0.33) or U(→2,→0.33)

ω U(1.35, 1.55)
!b U(0.03, 0.07)
ns U(0.87, 1.07)
As ↑ 109 U(0.5, 5)
∑

mω [eV] U(0.06, 0.6)
Ne! ε(3.046)

BAO

rdh [Mpc], instead of h U(10, 1000)
CMB

APlanck N (1, 0.00252)

ALens ε(1)

ϑ U(0.01, 0.25)
LSS

25 parameters Same ones from Ref. [4]

SNe Ia

Absolute magnitude, M U(→21,→18)

Strong lensing

ϖMST U(0.5, 1.5)
log ϱεMST U(→3,→0.3)

ωε U(→1, 1)

log aani U(→1, 0.7)

log ϱaani U(→2, 0)

power on ω, because observables vary negligibly as ω is
varied over its prior range for fixed w0).

We can draw a number of conclusions from these re-
sults. First, di!erent probes have complementary degen-
eracies, with SNe nearly orthogonal to BAO and CMB
constraints (as is also the case for wCDM models with
constant w).

Second, the evidence ratios are, in general, sensitive to
the adopted prior on w0; this is not surprising, since the
”CDM value w0 = →1 is at the boundary of the more
restrictive NEC prior. On the other hand, in cases where
w0 is well constrained by the (combined) data and has
a central value greater than →1, the resulting value is
insensitive to the choice of prior, as expected.

FIG. 2. Current constraints on !m and w0 in the wϑCDM
cosmology from various cosmological datasets and some of
their combinations, assuming the broader prior on w0. The
utilized datasets are: DES Year-3 for the 3↑ 2 pt, DESI DR2
for BAO, Planck+ACT for CMB, DES-SN5YR for SNe Ia,
and TDCOSMO for strong lensing. The darker and lighter
shaded regions for each probe trace the 68% and 95% cred-
ible regions, respectively. The horizontal dashed grey line
indicates the ”CDM model with w0 = →1.

Third, when all the data are combined, we find w0 =
→0.904+0.034

→0.033, about 2.9ε discrepant from ”CDM, with

the evidence ratio favoring the wωCDM model substan-

tially (or almost strongly),
1
when the physical NEC prior

is imposed. The parameter shifts from using SDSS+DESI
DR1 BAO to DESI DR2 are only 1.3% for #m and
0.4% for w0, within (for #m) and well within (for w0)
the 1ε uncertainties. We note that Ref. [31] found
w0 = →0.867+0.041

→0.040 for wωCDM , in 3ε disagreement with
”CDM, based on DES-SN5YR+SDSS-BAO+CMB and
using the CMB ‘shift parameter’ in place of a full CMB
likelihood analysis. We attribute the shift in w0 to the
replacement of SDSS with DESI BAO data, the addi-
tion of DES-Y3 3x2pt data, and potentially the di!erent
CMB analysis. As a check on our results, we have also
verified that our results using DESI DR1 are consistent

1
according to the Kass and Raftery [61] scale

A. Shajib, J. Frieman, 2502.06929

From more “reasonable” DE models, power law, axion-like

A different fitting function
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crosses to the regime w(z) < →1 [133] where the null
energy condition (NEC)—which requires that the en-
ergy density of dark energy not increase with the expan-
sion of the Universe—is violated. For single scalar-field
models of dark energy, this phantom crossing presents
severe theoretical di!culties [e.g., 134, 135]. However,
more complex models of dark energy, with multiple fields,
other dark energy internal degrees of freedom, or non-
minimal coupling, can evade these di!culties, as can
some modified gravity models, see, e.g., [136–140]. We
therefore adopt wide uniform priors on the parameters,
w0 ↑ U [→3, 1] and wa ↑ U [→3, 2], together with imposing
the condition w0+wa < 0 to enforce early matter domina-
tion. While other justifiable choices are possible, and the
values of Bayesian quantities such as the model evidence
will always depend on the particular choice used, we con-
sider this the minimal empirical approach. Whenever
the equation of state crosses the w = →1 boundary we
use the parametrized post-Friedmann (PPF) approach
of [141, 142] to include dark energy perturbations when
calculating CMB power spectra—however, as shown be-
low, the method of accounting for dark energy perturba-
tions does not play a major role, since simply applying
an early-Universe CMB prior on (ω→, εb, εc) largely re-
produces the same results on w0 and wa.

Our primary measure of the statistical significance of
preference for evolving dark energy from a given data
combination is based on ”ϑ

2

MAP
between the best-fit

#CDM and w0waCDM models for that combination. Be-
cause #CDM is nested within w0waCDM, correspond-
ing to w0 = →1, wa = 0, Wilks’ theorem [143] implies
that ”ϑ

2

MAP
should follow a ϑ

2 distribution with two
degrees of freedom under the assumption the null hypoth-
esis (#CDM model) holds, and assuming that errors are
Gaussian and correctly estimated. To translate ”ϑ

2

MAP

into familiar terms, we quote the corresponding frequen-
tist significance Nϖ for a 1D Gaussian distribution,

CDFω2

(
”ϑ

2

MAP
| 2 dof

)
=

1↓
2ϱ

∫ N

↑N
e
↑t2/2

dt , (22)

where the left hand side denotes the cumulative distribu-
tion of ϑ

2. We also compute the Deviance Information
Criterion (DIC) [144–147], which takes into account the
Bayesian complexity of the model and penalizes including
extra parameters.

A. Results

From DESI DR2 BAO alone, we obtain rather weak
constraints on the parameters

w0 = →0.48+0.35
↑0.17

wa < →1.34

}
DESI BAO, (23)

which mildly favor the w0 > →1, wa < 0 quadrant. The
upper bound on wa here is the 68% limit, and wa = 0

�1.0 �0.8 �0.6 �0.4 �0.2 0.0

w0

�3

�2

�1

0

w
a

DESI+CMB+Pantheon+

DESI+CMB+Union3

DESI+CMB+DESY5

DESI+CMB

FIG. 11. Results for the posterior distributions of w0 and
wa, from fits of the w0waCDM model to DESI in combina-
tion with CMB and three SNe datasets as labelled. We also
show the contour for DESI combined with CMB alone. The
contours enclose 68% and 95% of the posterior probability.
The gray dashed lines indicate w0 = →1 and wa = 0; the
!CDM limit (w0 = →1, wa = 0) lies at their intersection.
The significance of rejection of !CDM is 2.8ω, 3.8ω and 4.2ω

for combinations with the Pantheon+, Union3 and DESY5
SNe samples, respectively, and 3.1ω for DESI+CMB without
any SNe.

is not excluded at 95%. As was the case in DR1, BAO
data alone define a degeneracy direction in the w0-wa

plane, but they do not show a strong preference for dark
energy evolution: the improvement in ϑ

2

MAP
relative to

the #CDM case of w0 = →1, wa = 0 is equivalent to a
preference of just 1.7ϖ. Note that the posteriors in this
poorly constrained case are cut o$ by the priors, so the
marginalized means and limits quoted above are prior-
dependent.

The minimal extension we consider, beyond BAO data
alone, is to add a high-redshift constraint from the early
universe. This can be achieved by imposing CMB-derived
priors on ω→, εb and εbc, as described in Section IV.
These priors are independent of the late-time dark en-
ergy, and also marginalize over contributions such as the
late ISW e$ect and CMB lensing. Therefore, they pro-
vide us with an early time physics prior that can help
us set the sound horizon and is based solely on early-
Universe information. The result from this data combi-
nation is

w0 = →0.43 ± 0.22

wa = →1.72 ± 0.64

}
DESI+(ω→, εb, εbc)CMB. (24)

While this is still bounded by the wa > →3 prior at the
lower end, the posterior already clearly disfavors #CDM.
The ”ϑ

2

MAP
value decreases to →8.0, indicating a prefer-
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crosses to the regime w(z) < →1 [133] where the null
energy condition (NEC)—which requires that the en-
ergy density of dark energy not increase with the expan-
sion of the Universe—is violated. For single scalar-field
models of dark energy, this phantom crossing presents
severe theoretical di!culties [e.g., 134, 135]. However,
more complex models of dark energy, with multiple fields,
other dark energy internal degrees of freedom, or non-
minimal coupling, can evade these di!culties, as can
some modified gravity models, see, e.g., [136–140]. We
therefore adopt wide uniform priors on the parameters,
w0 ↑ U [→3, 1] and wa ↑ U [→3, 2], together with imposing
the condition w0+wa < 0 to enforce early matter domina-
tion. While other justifiable choices are possible, and the
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will always depend on the particular choice used, we con-
sider this the minimal empirical approach. Whenever
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use the parametrized post-Friedmann (PPF) approach
of [141, 142] to include dark energy perturbations when
calculating CMB power spectra—however, as shown be-
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tions does not play a major role, since simply applying
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is not excluded at 95%. As was the case in DR1, BAO
data alone define a degeneracy direction in the w0-wa

plane, but they do not show a strong preference for dark
energy evolution: the improvement in ϑ
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MAP
relative to

the #CDM case of w0 = →1, wa = 0 is equivalent to a
preference of just 1.7ϖ. Note that the posteriors in this
poorly constrained case are cut o$ by the priors, so the
marginalized means and limits quoted above are prior-
dependent.

The minimal extension we consider, beyond BAO data
alone, is to add a high-redshift constraint from the early
universe. This can be achieved by imposing CMB-derived
priors on ω→, εb and εbc, as described in Section IV.
These priors are independent of the late-time dark en-
ergy, and also marginalize over contributions such as the
late ISW e$ect and CMB lensing. Therefore, they pro-
vide us with an early time physics prior that can help
us set the sound horizon and is based solely on early-
Universe information. The result from this data combi-
nation is

w0 = →0.43 ± 0.22

wa = →1.72 ± 0.64

}
DESI+(ω→, εb, εbc)CMB. (24)

While this is still bounded by the wa > →3 prior at the
lower end, the posterior already clearly disfavors #CDM.
The ”ϑ

2

MAP
value decreases to →8.0, indicating a prefer-

We will take DESI as a motivation to explore models which

Can have significant late time variations in  w(z)

May even possible to have   w(z) < − 1
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more complex models of dark energy, with multiple fields,
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minimal coupling, can evade these di!culties, as can
some modified gravity models, see, e.g., [136–140]. We
therefore adopt wide uniform priors on the parameters,
w0 ↑ U [→3, 1] and wa ↑ U [→3, 2], together with imposing
the condition w0+wa < 0 to enforce early matter domina-
tion. While other justifiable choices are possible, and the
values of Bayesian quantities such as the model evidence
will always depend on the particular choice used, we con-
sider this the minimal empirical approach. Whenever
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use the parametrized post-Friedmann (PPF) approach
of [141, 142] to include dark energy perturbations when
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produces the same results on w0 and wa.
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is not excluded at 95%. As was the case in DR1, BAO
data alone define a degeneracy direction in the w0-wa

plane, but they do not show a strong preference for dark
energy evolution: the improvement in ϑ
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the #CDM case of w0 = →1, wa = 0 is equivalent to a
preference of just 1.7ϖ. Note that the posteriors in this
poorly constrained case are cut o$ by the priors, so the
marginalized means and limits quoted above are prior-
dependent.

The minimal extension we consider, beyond BAO data
alone, is to add a high-redshift constraint from the early
universe. This can be achieved by imposing CMB-derived
priors on ω→, εb and εbc, as described in Section IV.
These priors are independent of the late-time dark en-
ergy, and also marginalize over contributions such as the
late ISW e$ect and CMB lensing. Therefore, they pro-
vide us with an early time physics prior that can help
us set the sound horizon and is based solely on early-
Universe information. The result from this data combi-
nation is

w0 = →0.43 ± 0.22

wa = →1.72 ± 0.64

}
DESI+(ω→, εb, εbc)CMB. (24)

While this is still bounded by the wa > →3 prior at the
lower end, the posterior already clearly disfavors #CDM.
The ”ϑ
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MAP
value decreases to →8.0, indicating a prefer-

We will take DESI as a motivation to explore models which

Can have significant late time variations in  w(z)

May even possible to have   w(z) < − 1

We will find

It is not easy.

One class of model might work



DM-DE interaction

In the presence of a finite density of dark baryons, the
quark condensate is altered [57,58]. This results in a
density-dependent correction [59] to the axion potential
[60,61], which encodes the DMDE interaction. Crucially,
this allows the axion to successfully drive cosmic accel-
eration with a sub-Planckian decay constant, without
tuning initial conditions.
Our framework shares some features with the axio-

dilaton model of [62–64], but also important differences. In
their case, the DE field (the dilaton) couples not only to DM
(which can be the axion) but also to ordinary matter,
potentially yielding distinct observational signatures, e.g.,
in the CMB. As in our model, their axion potential acquires
density-dependent corrections, here sourced by both dark
and ordinary matter.
DMDE interactions—We begin by briefly summarizing

the effects of a DMDE interaction, following [65,66]. The
full equations of motion for background and linear pertur-
bations are given in Appendix A.
The coupling between DM and a DE scalar field ϕ

results in DM having a ϕ-dependent mass

mðϕÞ≡m0AðϕÞ: ð1Þ

Cosmologically, the DM number density still redshifts as
1=a3, thanks to particle number conservation, but because
of (1) the DM mass/energy density is given by

ρDMðϕÞ ¼
AðϕÞ
Aðϕ0Þ

ρ0DM
a3

; ð2Þ

where “0” indicates present-day values.
The effective DE equation of state can then be derived as

in [36]. If one fits the data assuming a standard, non-
interacting DM component and a decoupled DE compo-
nent, then one is effectively ascribing the nonstandard time
evolution of DM to the DE density

ρeffDE ¼ ρϕ þ
!
AðϕÞ
Aðϕ0Þ

− 1

"
ρ0DM
a3

; ð3Þ

where ρϕ ¼ ð1=2a2Þϕ02 þ VðϕÞ is the scalar field density.
The corresponding effective DE equation of state is

weff ¼
wϕ

1þ
!
AðϕÞ
Aðϕ0Þ

− 1

"
ρ0DM
a3ρϕ

; ð4Þ

where wϕ ¼ ½ϕ02 − 2a2VðϕÞ=ϕ02 þ 2a2VðϕÞ& is the stan-
dard scalar equation of state parameter. Notice that weff and
wϕ coincide at present, but differ in the past. The DESI
results suggest that weff < −1 in the past, but grew to a
value weff > −1 at present. This can be achieved with (4)
provided that

AðϕÞ
Aðϕ0Þ

< 1 ð5Þ

at early times. This corresponds physically to a DM mass
that increases with time in the DESI-sensitive epoch.
(It is possible to achieve weff < −1 with a decreasing
DMmass [37,40], if ρeffDE and ρϕ are chosen to coincide at an
earlier redshift.)
The DMDE coupling also affects the growth of linear

density inhomogeneities δc in three ways: (i) Since the DM
mass increases with time, matter-radiation equality is
shifted to a slightly later time. Because δc grows logarithmi-
cally in the radiation-dominated epoch and linearly in a in
the matter-dominated epoch, the delay in matter-radiation
equality suppresses the overall growth relative to ΛCDM:

δc
δΛCDMc

####
a¼1

≃
aΛCDMeq

aeq
≃
AðϕeqÞ
Aðϕ0Þ

: ð6Þ

(ii) The scalar field changes the expansion history in the
DE-dominated epoch. Compared to ΛCDM, the back-
ground expansion with increasing weff generically sup-
presses the matter density growth. (iii) The DE scalar field
mediates an attractive fifth-force between DM, which
enhances the density growth [65]. However, because this
effect is quadratic in the coupling d lnAðϕÞ=dϕ, it will be
subdominant in our model compared to the previous two
effects, which are linear in the coupling.
The general framework described above offers a simple

mechanism to achieve weff < −1, with interesting phenom-
enological implications. We now turn to implementing this
simple idea in a well-motivated particle physics model that
is stable, technically natural, and under calculational
control.
Dark QCD axion model—We consider the oft-studied

idea that DM is part of a “dark QCD” sector [53–56],
focusing on the simplest possibility of a dark SU(3) gauge
theory with two light (up/down) dark quarks, with masses
mu andmd. We assume that this sector couples to the visible
sector only through gravity. Throughout the rest of the
Letter we will sometimes just refer to quarks, baryons, and
pions, leaving implicit that they are dark sector objects.
Below the confinement scale, the relevant excitations are

dark pions, which may be short-lived, and dark baryons,
which are accidentally long-lived thanks to approximate
dark baryon number conservation [56]. For simplicity, we
will assume that DM is comprised entirely of dark baryons.
A dark axion ϕ, associated with the dark QCD sector,

acts as DE. Like the standard QCD axion, it acquires a
vacuum potential due to the pion mass terms [60,61]
[importantly, Eq. (7) differs from the familiar VðϕÞ ¼
−Λ4 cosðϕ=2fÞ obtained in the single-instanton approxi-
mation [61]; for equal quark masses (ξ ¼ 1), Eq. (7)
reduces to VðϕÞ ≃ −Λ4j cosðϕ=2fÞj]:
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bations are given in Appendix A.
The coupling between DM and a DE scalar field ϕ

results in DM having a ϕ-dependent mass

mðϕÞ≡m0AðϕÞ: ð1Þ

Cosmologically, the DM number density still redshifts as
1=a3, thanks to particle number conservation, but because
of (1) the DM mass/energy density is given by

ρDMðϕÞ ¼
AðϕÞ
Aðϕ0Þ

ρ0DM
a3

; ð2Þ

where “0” indicates present-day values.
The effective DE equation of state can then be derived as

in [36]. If one fits the data assuming a standard, non-
interacting DM component and a decoupled DE compo-
nent, then one is effectively ascribing the nonstandard time
evolution of DM to the DE density

ρeffDE ¼ ρϕ þ
!
AðϕÞ
Aðϕ0Þ

− 1

"
ρ0DM
a3

; ð3Þ

where ρϕ ¼ ð1=2a2Þϕ02 þ VðϕÞ is the scalar field density.
The corresponding effective DE equation of state is

weff ¼
wϕ
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Aðϕ0Þ
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"
ρ0DM
a3ρϕ

; ð4Þ

where wϕ ¼ ½ϕ02 − 2a2VðϕÞ=ϕ02 þ 2a2VðϕÞ& is the stan-
dard scalar equation of state parameter. Notice that weff and
wϕ coincide at present, but differ in the past. The DESI
results suggest that weff < −1 in the past, but grew to a
value weff > −1 at present. This can be achieved with (4)
provided that

AðϕÞ
Aðϕ0Þ

< 1 ð5Þ

at early times. This corresponds physically to a DM mass
that increases with time in the DESI-sensitive epoch.
(It is possible to achieve weff < −1 with a decreasing
DMmass [37,40], if ρeffDE and ρϕ are chosen to coincide at an
earlier redshift.)
The DMDE coupling also affects the growth of linear

density inhomogeneities δc in three ways: (i) Since the DM
mass increases with time, matter-radiation equality is
shifted to a slightly later time. Because δc grows logarithmi-
cally in the radiation-dominated epoch and linearly in a in
the matter-dominated epoch, the delay in matter-radiation
equality suppresses the overall growth relative to ΛCDM:

δc
δΛCDMc

####
a¼1

≃
aΛCDMeq

aeq
≃
AðϕeqÞ
Aðϕ0Þ

: ð6Þ

(ii) The scalar field changes the expansion history in the
DE-dominated epoch. Compared to ΛCDM, the back-
ground expansion with increasing weff generically sup-
presses the matter density growth. (iii) The DE scalar field
mediates an attractive fifth-force between DM, which
enhances the density growth [65]. However, because this
effect is quadratic in the coupling d lnAðϕÞ=dϕ, it will be
subdominant in our model compared to the previous two
effects, which are linear in the coupling.
The general framework described above offers a simple

mechanism to achieve weff < −1, with interesting phenom-
enological implications. We now turn to implementing this
simple idea in a well-motivated particle physics model that
is stable, technically natural, and under calculational
control.
Dark QCD axion model—We consider the oft-studied

idea that DM is part of a “dark QCD” sector [53–56],
focusing on the simplest possibility of a dark SU(3) gauge
theory with two light (up/down) dark quarks, with masses
mu andmd. We assume that this sector couples to the visible
sector only through gravity. Throughout the rest of the
Letter we will sometimes just refer to quarks, baryons, and
pions, leaving implicit that they are dark sector objects.
Below the confinement scale, the relevant excitations are

dark pions, which may be short-lived, and dark baryons,
which are accidentally long-lived thanks to approximate
dark baryon number conservation [56]. For simplicity, we
will assume that DM is comprised entirely of dark baryons.
A dark axion ϕ, associated with the dark QCD sector,

acts as DE. Like the standard QCD axion, it acquires a
vacuum potential due to the pion mass terms [60,61]
[importantly, Eq. (7) differs from the familiar VðϕÞ ¼
−Λ4 cosðϕ=2fÞ obtained in the single-instanton approxi-
mation [61]; for equal quark masses (ξ ¼ 1), Eq. (7)
reduces to VðϕÞ ≃ −Λ4j cosðϕ=2fÞj]:
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DM-DE interaction

In the presence of a finite density of dark baryons, the
quark condensate is altered [57,58]. This results in a
density-dependent correction [59] to the axion potential
[60,61], which encodes the DMDE interaction. Crucially,
this allows the axion to successfully drive cosmic accel-
eration with a sub-Planckian decay constant, without
tuning initial conditions.
Our framework shares some features with the axio-

dilaton model of [62–64], but also important differences. In
their case, the DE field (the dilaton) couples not only to DM
(which can be the axion) but also to ordinary matter,
potentially yielding distinct observational signatures, e.g.,
in the CMB. As in our model, their axion potential acquires
density-dependent corrections, here sourced by both dark
and ordinary matter.
DMDE interactions—We begin by briefly summarizing

the effects of a DMDE interaction, following [65,66]. The
full equations of motion for background and linear pertur-
bations are given in Appendix A.
The coupling between DM and a DE scalar field ϕ

results in DM having a ϕ-dependent mass

mðϕÞ≡m0AðϕÞ: ð1Þ

Cosmologically, the DM number density still redshifts as
1=a3, thanks to particle number conservation, but because
of (1) the DM mass/energy density is given by

ρDMðϕÞ ¼
AðϕÞ
Aðϕ0Þ

ρ0DM
a3

; ð2Þ

where “0” indicates present-day values.
The effective DE equation of state can then be derived as

in [36]. If one fits the data assuming a standard, non-
interacting DM component and a decoupled DE compo-
nent, then one is effectively ascribing the nonstandard time
evolution of DM to the DE density

ρeffDE ¼ ρϕ þ
!
AðϕÞ
Aðϕ0Þ

− 1

"
ρ0DM
a3

; ð3Þ

where ρϕ ¼ ð1=2a2Þϕ02 þ VðϕÞ is the scalar field density.
The corresponding effective DE equation of state is

weff ¼
wϕ
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!
AðϕÞ
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a3ρϕ

; ð4Þ

where wϕ ¼ ½ϕ02 − 2a2VðϕÞ=ϕ02 þ 2a2VðϕÞ& is the stan-
dard scalar equation of state parameter. Notice that weff and
wϕ coincide at present, but differ in the past. The DESI
results suggest that weff < −1 in the past, but grew to a
value weff > −1 at present. This can be achieved with (4)
provided that

AðϕÞ
Aðϕ0Þ

< 1 ð5Þ

at early times. This corresponds physically to a DM mass
that increases with time in the DESI-sensitive epoch.
(It is possible to achieve weff < −1 with a decreasing
DMmass [37,40], if ρeffDE and ρϕ are chosen to coincide at an
earlier redshift.)
The DMDE coupling also affects the growth of linear

density inhomogeneities δc in three ways: (i) Since the DM
mass increases with time, matter-radiation equality is
shifted to a slightly later time. Because δc grows logarithmi-
cally in the radiation-dominated epoch and linearly in a in
the matter-dominated epoch, the delay in matter-radiation
equality suppresses the overall growth relative to ΛCDM:

δc
δΛCDMc
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a¼1

≃
aΛCDMeq

aeq
≃
AðϕeqÞ
Aðϕ0Þ
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(ii) The scalar field changes the expansion history in the
DE-dominated epoch. Compared to ΛCDM, the back-
ground expansion with increasing weff generically sup-
presses the matter density growth. (iii) The DE scalar field
mediates an attractive fifth-force between DM, which
enhances the density growth [65]. However, because this
effect is quadratic in the coupling d lnAðϕÞ=dϕ, it will be
subdominant in our model compared to the previous two
effects, which are linear in the coupling.
The general framework described above offers a simple

mechanism to achieve weff < −1, with interesting phenom-
enological implications. We now turn to implementing this
simple idea in a well-motivated particle physics model that
is stable, technically natural, and under calculational
control.
Dark QCD axion model—We consider the oft-studied

idea that DM is part of a “dark QCD” sector [53–56],
focusing on the simplest possibility of a dark SU(3) gauge
theory with two light (up/down) dark quarks, with masses
mu andmd. We assume that this sector couples to the visible
sector only through gravity. Throughout the rest of the
Letter we will sometimes just refer to quarks, baryons, and
pions, leaving implicit that they are dark sector objects.
Below the confinement scale, the relevant excitations are

dark pions, which may be short-lived, and dark baryons,
which are accidentally long-lived thanks to approximate
dark baryon number conservation [56]. For simplicity, we
will assume that DM is comprised entirely of dark baryons.
A dark axion ϕ, associated with the dark QCD sector,

acts as DE. Like the standard QCD axion, it acquires a
vacuum potential due to the pion mass terms [60,61]
[importantly, Eq. (7) differs from the familiar VðϕÞ ¼
−Λ4 cosðϕ=2fÞ obtained in the single-instanton approxi-
mation [61]; for equal quark masses (ξ ¼ 1), Eq. (7)
reduces to VðϕÞ ≃ −Λ4j cosðϕ=2fÞj]:
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In the presence of a finite density of dark baryons, the
quark condensate is altered [57,58]. This results in a
density-dependent correction [59] to the axion potential
[60,61], which encodes the DMDE interaction. Crucially,
this allows the axion to successfully drive cosmic accel-
eration with a sub-Planckian decay constant, without
tuning initial conditions.
Our framework shares some features with the axio-

dilaton model of [62–64], but also important differences. In
their case, the DE field (the dilaton) couples not only to DM
(which can be the axion) but also to ordinary matter,
potentially yielding distinct observational signatures, e.g.,
in the CMB. As in our model, their axion potential acquires
density-dependent corrections, here sourced by both dark
and ordinary matter.
DMDE interactions—We begin by briefly summarizing

the effects of a DMDE interaction, following [65,66]. The
full equations of motion for background and linear pertur-
bations are given in Appendix A.
The coupling between DM and a DE scalar field ϕ

results in DM having a ϕ-dependent mass

mðϕÞ≡m0AðϕÞ: ð1Þ

Cosmologically, the DM number density still redshifts as
1=a3, thanks to particle number conservation, but because
of (1) the DM mass/energy density is given by

ρDMðϕÞ ¼
AðϕÞ
Aðϕ0Þ

ρ0DM
a3

; ð2Þ

where “0” indicates present-day values.
The effective DE equation of state can then be derived as

in [36]. If one fits the data assuming a standard, non-
interacting DM component and a decoupled DE compo-
nent, then one is effectively ascribing the nonstandard time
evolution of DM to the DE density
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where ρϕ ¼ ð1=2a2Þϕ02 þ VðϕÞ is the scalar field density.
The corresponding effective DE equation of state is
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where wϕ ¼ ½ϕ02 − 2a2VðϕÞ=ϕ02 þ 2a2VðϕÞ& is the stan-
dard scalar equation of state parameter. Notice that weff and
wϕ coincide at present, but differ in the past. The DESI
results suggest that weff < −1 in the past, but grew to a
value weff > −1 at present. This can be achieved with (4)
provided that

AðϕÞ
Aðϕ0Þ

< 1 ð5Þ

at early times. This corresponds physically to a DM mass
that increases with time in the DESI-sensitive epoch.
(It is possible to achieve weff < −1 with a decreasing
DMmass [37,40], if ρeffDE and ρϕ are chosen to coincide at an
earlier redshift.)
The DMDE coupling also affects the growth of linear

density inhomogeneities δc in three ways: (i) Since the DM
mass increases with time, matter-radiation equality is
shifted to a slightly later time. Because δc grows logarithmi-
cally in the radiation-dominated epoch and linearly in a in
the matter-dominated epoch, the delay in matter-radiation
equality suppresses the overall growth relative to ΛCDM:
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(ii) The scalar field changes the expansion history in the
DE-dominated epoch. Compared to ΛCDM, the back-
ground expansion with increasing weff generically sup-
presses the matter density growth. (iii) The DE scalar field
mediates an attractive fifth-force between DM, which
enhances the density growth [65]. However, because this
effect is quadratic in the coupling d lnAðϕÞ=dϕ, it will be
subdominant in our model compared to the previous two
effects, which are linear in the coupling.
The general framework described above offers a simple

mechanism to achieve weff < −1, with interesting phenom-
enological implications. We now turn to implementing this
simple idea in a well-motivated particle physics model that
is stable, technically natural, and under calculational
control.
Dark QCD axion model—We consider the oft-studied

idea that DM is part of a “dark QCD” sector [53–56],
focusing on the simplest possibility of a dark SU(3) gauge
theory with two light (up/down) dark quarks, with masses
mu andmd. We assume that this sector couples to the visible
sector only through gravity. Throughout the rest of the
Letter we will sometimes just refer to quarks, baryons, and
pions, leaving implicit that they are dark sector objects.
Below the confinement scale, the relevant excitations are

dark pions, which may be short-lived, and dark baryons,
which are accidentally long-lived thanks to approximate
dark baryon number conservation [56]. For simplicity, we
will assume that DM is comprised entirely of dark baryons.
A dark axion ϕ, associated with the dark QCD sector,

acts as DE. Like the standard QCD axion, it acquires a
vacuum potential due to the pion mass terms [60,61]
[importantly, Eq. (7) differs from the familiar VðϕÞ ¼
−Λ4 cosðϕ=2fÞ obtained in the single-instanton approxi-
mation [61]; for equal quark masses (ξ ¼ 1), Eq. (7)
reduces to VðϕÞ ≃ −Λ4j cosðϕ=2fÞj]:

PHYSICAL REVIEW LETTERS 135, 181001 (2025)

181001-2

S. Das, P. S. Corasaniti, J. Khoury, 2006 
J. Khoury, M.-X. Lin, M. Trodden, 2025  (evolving) drives the dark energyϕ

Dark matter mass depends on ϕ

In the presence of a finite density of dark baryons, the
quark condensate is altered [57,58]. This results in a
density-dependent correction [59] to the axion potential
[60,61], which encodes the DMDE interaction. Crucially,
this allows the axion to successfully drive cosmic accel-
eration with a sub-Planckian decay constant, without
tuning initial conditions.
Our framework shares some features with the axio-

dilaton model of [62–64], but also important differences. In
their case, the DE field (the dilaton) couples not only to DM
(which can be the axion) but also to ordinary matter,
potentially yielding distinct observational signatures, e.g.,
in the CMB. As in our model, their axion potential acquires
density-dependent corrections, here sourced by both dark
and ordinary matter.
DMDE interactions—We begin by briefly summarizing

the effects of a DMDE interaction, following [65,66]. The
full equations of motion for background and linear pertur-
bations are given in Appendix A.
The coupling between DM and a DE scalar field ϕ

results in DM having a ϕ-dependent mass

mðϕÞ≡m0AðϕÞ: ð1Þ

Cosmologically, the DM number density still redshifts as
1=a3, thanks to particle number conservation, but because
of (1) the DM mass/energy density is given by

ρDMðϕÞ ¼
AðϕÞ
Aðϕ0Þ

ρ0DM
a3

; ð2Þ

where “0” indicates present-day values.
The effective DE equation of state can then be derived as

in [36]. If one fits the data assuming a standard, non-
interacting DM component and a decoupled DE compo-
nent, then one is effectively ascribing the nonstandard time
evolution of DM to the DE density

ρeffDE ¼ ρϕ þ
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− 1

"
ρ0DM
a3

; ð3Þ

where ρϕ ¼ ð1=2a2Þϕ02 þ VðϕÞ is the scalar field density.
The corresponding effective DE equation of state is
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where wϕ ¼ ½ϕ02 − 2a2VðϕÞ=ϕ02 þ 2a2VðϕÞ& is the stan-
dard scalar equation of state parameter. Notice that weff and
wϕ coincide at present, but differ in the past. The DESI
results suggest that weff < −1 in the past, but grew to a
value weff > −1 at present. This can be achieved with (4)
provided that

AðϕÞ
Aðϕ0Þ

< 1 ð5Þ

at early times. This corresponds physically to a DM mass
that increases with time in the DESI-sensitive epoch.
(It is possible to achieve weff < −1 with a decreasing
DMmass [37,40], if ρeffDE and ρϕ are chosen to coincide at an
earlier redshift.)
The DMDE coupling also affects the growth of linear

density inhomogeneities δc in three ways: (i) Since the DM
mass increases with time, matter-radiation equality is
shifted to a slightly later time. Because δc grows logarithmi-
cally in the radiation-dominated epoch and linearly in a in
the matter-dominated epoch, the delay in matter-radiation
equality suppresses the overall growth relative to ΛCDM:
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(ii) The scalar field changes the expansion history in the
DE-dominated epoch. Compared to ΛCDM, the back-
ground expansion with increasing weff generically sup-
presses the matter density growth. (iii) The DE scalar field
mediates an attractive fifth-force between DM, which
enhances the density growth [65]. However, because this
effect is quadratic in the coupling d lnAðϕÞ=dϕ, it will be
subdominant in our model compared to the previous two
effects, which are linear in the coupling.
The general framework described above offers a simple

mechanism to achieve weff < −1, with interesting phenom-
enological implications. We now turn to implementing this
simple idea in a well-motivated particle physics model that
is stable, technically natural, and under calculational
control.
Dark QCD axion model—We consider the oft-studied

idea that DM is part of a “dark QCD” sector [53–56],
focusing on the simplest possibility of a dark SU(3) gauge
theory with two light (up/down) dark quarks, with masses
mu andmd. We assume that this sector couples to the visible
sector only through gravity. Throughout the rest of the
Letter we will sometimes just refer to quarks, baryons, and
pions, leaving implicit that they are dark sector objects.
Below the confinement scale, the relevant excitations are

dark pions, which may be short-lived, and dark baryons,
which are accidentally long-lived thanks to approximate
dark baryon number conservation [56]. For simplicity, we
will assume that DM is comprised entirely of dark baryons.
A dark axion ϕ, associated with the dark QCD sector,

acts as DE. Like the standard QCD axion, it acquires a
vacuum potential due to the pion mass terms [60,61]
[importantly, Eq. (7) differs from the familiar VðϕÞ ¼
−Λ4 cosðϕ=2fÞ obtained in the single-instanton approxi-
mation [61]; for equal quark masses (ξ ¼ 1), Eq. (7)
reduces to VðϕÞ ≃ −Λ4j cosðϕ=2fÞj]:
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quark condensate is altered [57,58]. This results in a
density-dependent correction [59] to the axion potential
[60,61], which encodes the DMDE interaction. Crucially,
this allows the axion to successfully drive cosmic accel-
eration with a sub-Planckian decay constant, without
tuning initial conditions.
Our framework shares some features with the axio-

dilaton model of [62–64], but also important differences. In
their case, the DE field (the dilaton) couples not only to DM
(which can be the axion) but also to ordinary matter,
potentially yielding distinct observational signatures, e.g.,
in the CMB. As in our model, their axion potential acquires
density-dependent corrections, here sourced by both dark
and ordinary matter.
DMDE interactions—We begin by briefly summarizing

the effects of a DMDE interaction, following [65,66]. The
full equations of motion for background and linear pertur-
bations are given in Appendix A.
The coupling between DM and a DE scalar field ϕ

results in DM having a ϕ-dependent mass
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where “0” indicates present-day values.
The effective DE equation of state can then be derived as

in [36]. If one fits the data assuming a standard, non-
interacting DM component and a decoupled DE compo-
nent, then one is effectively ascribing the nonstandard time
evolution of DM to the DE density
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where ρϕ ¼ ð1=2a2Þϕ02 þ VðϕÞ is the scalar field density.
The corresponding effective DE equation of state is
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where wϕ ¼ ½ϕ02 − 2a2VðϕÞ=ϕ02 þ 2a2VðϕÞ& is the stan-
dard scalar equation of state parameter. Notice that weff and
wϕ coincide at present, but differ in the past. The DESI
results suggest that weff < −1 in the past, but grew to a
value weff > −1 at present. This can be achieved with (4)
provided that

AðϕÞ
Aðϕ0Þ

< 1 ð5Þ

at early times. This corresponds physically to a DM mass
that increases with time in the DESI-sensitive epoch.
(It is possible to achieve weff < −1 with a decreasing
DMmass [37,40], if ρeffDE and ρϕ are chosen to coincide at an
earlier redshift.)
The DMDE coupling also affects the growth of linear

density inhomogeneities δc in three ways: (i) Since the DM
mass increases with time, matter-radiation equality is
shifted to a slightly later time. Because δc grows logarithmi-
cally in the radiation-dominated epoch and linearly in a in
the matter-dominated epoch, the delay in matter-radiation
equality suppresses the overall growth relative to ΛCDM:
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(ii) The scalar field changes the expansion history in the
DE-dominated epoch. Compared to ΛCDM, the back-
ground expansion with increasing weff generically sup-
presses the matter density growth. (iii) The DE scalar field
mediates an attractive fifth-force between DM, which
enhances the density growth [65]. However, because this
effect is quadratic in the coupling d lnAðϕÞ=dϕ, it will be
subdominant in our model compared to the previous two
effects, which are linear in the coupling.
The general framework described above offers a simple

mechanism to achieve weff < −1, with interesting phenom-
enological implications. We now turn to implementing this
simple idea in a well-motivated particle physics model that
is stable, technically natural, and under calculational
control.
Dark QCD axion model—We consider the oft-studied

idea that DM is part of a “dark QCD” sector [53–56],
focusing on the simplest possibility of a dark SU(3) gauge
theory with two light (up/down) dark quarks, with masses
mu andmd. We assume that this sector couples to the visible
sector only through gravity. Throughout the rest of the
Letter we will sometimes just refer to quarks, baryons, and
pions, leaving implicit that they are dark sector objects.
Below the confinement scale, the relevant excitations are

dark pions, which may be short-lived, and dark baryons,
which are accidentally long-lived thanks to approximate
dark baryon number conservation [56]. For simplicity, we
will assume that DM is comprised entirely of dark baryons.
A dark axion ϕ, associated with the dark QCD sector,

acts as DE. Like the standard QCD axion, it acquires a
vacuum potential due to the pion mass terms [60,61]
[importantly, Eq. (7) differs from the familiar VðϕÞ ¼
−Λ4 cosðϕ=2fÞ obtained in the single-instanton approxi-
mation [61]; for equal quark masses (ξ ¼ 1), Eq. (7)
reduces to VðϕÞ ≃ −Λ4j cosðϕ=2fÞj]:
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If we analyze the cosmology of this model, assuming (wrongly) 
constant dark matter mass
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density-dependent correction [59] to the axion potential
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(which can be the axion) but also to ordinary matter,
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and ordinary matter.
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bations are given in Appendix A.
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where “0” indicates present-day values.
The effective DE equation of state can then be derived as
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where wϕ ¼ ½ϕ02 − 2a2VðϕÞ=ϕ02 þ 2a2VðϕÞ& is the stan-
dard scalar equation of state parameter. Notice that weff and
wϕ coincide at present, but differ in the past. The DESI
results suggest that weff < −1 in the past, but grew to a
value weff > −1 at present. This can be achieved with (4)
provided that
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at early times. This corresponds physically to a DM mass
that increases with time in the DESI-sensitive epoch.
(It is possible to achieve weff < −1 with a decreasing
DMmass [37,40], if ρeffDE and ρϕ are chosen to coincide at an
earlier redshift.)
The DMDE coupling also affects the growth of linear

density inhomogeneities δc in three ways: (i) Since the DM
mass increases with time, matter-radiation equality is
shifted to a slightly later time. Because δc grows logarithmi-
cally in the radiation-dominated epoch and linearly in a in
the matter-dominated epoch, the delay in matter-radiation
equality suppresses the overall growth relative to ΛCDM:

δc
δΛCDMc

####
a¼1

≃
aΛCDMeq

aeq
≃
AðϕeqÞ
Aðϕ0Þ

: ð6Þ

(ii) The scalar field changes the expansion history in the
DE-dominated epoch. Compared to ΛCDM, the back-
ground expansion with increasing weff generically sup-
presses the matter density growth. (iii) The DE scalar field
mediates an attractive fifth-force between DM, which
enhances the density growth [65]. However, because this
effect is quadratic in the coupling d lnAðϕÞ=dϕ, it will be
subdominant in our model compared to the previous two
effects, which are linear in the coupling.
The general framework described above offers a simple

mechanism to achieve weff < −1, with interesting phenom-
enological implications. We now turn to implementing this
simple idea in a well-motivated particle physics model that
is stable, technically natural, and under calculational
control.
Dark QCD axion model—We consider the oft-studied

idea that DM is part of a “dark QCD” sector [53–56],
focusing on the simplest possibility of a dark SU(3) gauge
theory with two light (up/down) dark quarks, with masses
mu andmd. We assume that this sector couples to the visible
sector only through gravity. Throughout the rest of the
Letter we will sometimes just refer to quarks, baryons, and
pions, leaving implicit that they are dark sector objects.
Below the confinement scale, the relevant excitations are

dark pions, which may be short-lived, and dark baryons,
which are accidentally long-lived thanks to approximate
dark baryon number conservation [56]. For simplicity, we
will assume that DM is comprised entirely of dark baryons.
A dark axion ϕ, associated with the dark QCD sector,

acts as DE. Like the standard QCD axion, it acquires a
vacuum potential due to the pion mass terms [60,61]
[importantly, Eq. (7) differs from the familiar VðϕÞ ¼
−Λ4 cosðϕ=2fÞ obtained in the single-instanton approxi-
mation [61]; for equal quark masses (ξ ¼ 1), Eq. (7)
reduces to VðϕÞ ≃ −Λ4j cosðϕ=2fÞj]:
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In the presence of a finite density of dark baryons, the
quark condensate is altered [57,58]. This results in a
density-dependent correction [59] to the axion potential
[60,61], which encodes the DMDE interaction. Crucially,
this allows the axion to successfully drive cosmic accel-
eration with a sub-Planckian decay constant, without
tuning initial conditions.
Our framework shares some features with the axio-

dilaton model of [62–64], but also important differences. In
their case, the DE field (the dilaton) couples not only to DM
(which can be the axion) but also to ordinary matter,
potentially yielding distinct observational signatures, e.g.,
in the CMB. As in our model, their axion potential acquires
density-dependent corrections, here sourced by both dark
and ordinary matter.
DMDE interactions—We begin by briefly summarizing

the effects of a DMDE interaction, following [65,66]. The
full equations of motion for background and linear pertur-
bations are given in Appendix A.
The coupling between DM and a DE scalar field ϕ

results in DM having a ϕ-dependent mass

mðϕÞ≡m0AðϕÞ: ð1Þ

Cosmologically, the DM number density still redshifts as
1=a3, thanks to particle number conservation, but because
of (1) the DM mass/energy density is given by

ρDMðϕÞ ¼
AðϕÞ
Aðϕ0Þ

ρ0DM
a3

; ð2Þ

where “0” indicates present-day values.
The effective DE equation of state can then be derived as

in [36]. If one fits the data assuming a standard, non-
interacting DM component and a decoupled DE compo-
nent, then one is effectively ascribing the nonstandard time
evolution of DM to the DE density

ρeffDE ¼ ρϕ þ
!
AðϕÞ
Aðϕ0Þ

− 1

"
ρ0DM
a3

; ð3Þ

where ρϕ ¼ ð1=2a2Þϕ02 þ VðϕÞ is the scalar field density.
The corresponding effective DE equation of state is

weff ¼
wϕ

1þ
!
AðϕÞ
Aðϕ0Þ

− 1

"
ρ0DM
a3ρϕ

; ð4Þ

where wϕ ¼ ½ϕ02 − 2a2VðϕÞ=ϕ02 þ 2a2VðϕÞ& is the stan-
dard scalar equation of state parameter. Notice that weff and
wϕ coincide at present, but differ in the past. The DESI
results suggest that weff < −1 in the past, but grew to a
value weff > −1 at present. This can be achieved with (4)
provided that

AðϕÞ
Aðϕ0Þ

< 1 ð5Þ

at early times. This corresponds physically to a DM mass
that increases with time in the DESI-sensitive epoch.
(It is possible to achieve weff < −1 with a decreasing
DMmass [37,40], if ρeffDE and ρϕ are chosen to coincide at an
earlier redshift.)
The DMDE coupling also affects the growth of linear

density inhomogeneities δc in three ways: (i) Since the DM
mass increases with time, matter-radiation equality is
shifted to a slightly later time. Because δc grows logarithmi-
cally in the radiation-dominated epoch and linearly in a in
the matter-dominated epoch, the delay in matter-radiation
equality suppresses the overall growth relative to ΛCDM:

δc
δΛCDMc

####
a¼1

≃
aΛCDMeq

aeq
≃
AðϕeqÞ
Aðϕ0Þ

: ð6Þ

(ii) The scalar field changes the expansion history in the
DE-dominated epoch. Compared to ΛCDM, the back-
ground expansion with increasing weff generically sup-
presses the matter density growth. (iii) The DE scalar field
mediates an attractive fifth-force between DM, which
enhances the density growth [65]. However, because this
effect is quadratic in the coupling d lnAðϕÞ=dϕ, it will be
subdominant in our model compared to the previous two
effects, which are linear in the coupling.
The general framework described above offers a simple

mechanism to achieve weff < −1, with interesting phenom-
enological implications. We now turn to implementing this
simple idea in a well-motivated particle physics model that
is stable, technically natural, and under calculational
control.
Dark QCD axion model—We consider the oft-studied

idea that DM is part of a “dark QCD” sector [53–56],
focusing on the simplest possibility of a dark SU(3) gauge
theory with two light (up/down) dark quarks, with masses
mu andmd. We assume that this sector couples to the visible
sector only through gravity. Throughout the rest of the
Letter we will sometimes just refer to quarks, baryons, and
pions, leaving implicit that they are dark sector objects.
Below the confinement scale, the relevant excitations are

dark pions, which may be short-lived, and dark baryons,
which are accidentally long-lived thanks to approximate
dark baryon number conservation [56]. For simplicity, we
will assume that DM is comprised entirely of dark baryons.
A dark axion ϕ, associated with the dark QCD sector,

acts as DE. Like the standard QCD axion, it acquires a
vacuum potential due to the pion mass terms [60,61]
[importantly, Eq. (7) differs from the familiar VðϕÞ ¼
−Λ4 cosðϕ=2fÞ obtained in the single-instanton approxi-
mation [61]; for equal quark masses (ξ ¼ 1), Eq. (7)
reduces to VðϕÞ ≃ −Λ4j cosðϕ=2fÞj]:
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In the presence of a finite density of dark baryons, the
quark condensate is altered [57,58]. This results in a
density-dependent correction [59] to the axion potential
[60,61], which encodes the DMDE interaction. Crucially,
this allows the axion to successfully drive cosmic accel-
eration with a sub-Planckian decay constant, without
tuning initial conditions.
Our framework shares some features with the axio-

dilaton model of [62–64], but also important differences. In
their case, the DE field (the dilaton) couples not only to DM
(which can be the axion) but also to ordinary matter,
potentially yielding distinct observational signatures, e.g.,
in the CMB. As in our model, their axion potential acquires
density-dependent corrections, here sourced by both dark
and ordinary matter.
DMDE interactions—We begin by briefly summarizing

the effects of a DMDE interaction, following [65,66]. The
full equations of motion for background and linear pertur-
bations are given in Appendix A.
The coupling between DM and a DE scalar field ϕ

results in DM having a ϕ-dependent mass

mðϕÞ≡m0AðϕÞ: ð1Þ

Cosmologically, the DM number density still redshifts as
1=a3, thanks to particle number conservation, but because
of (1) the DM mass/energy density is given by

ρDMðϕÞ ¼
AðϕÞ
Aðϕ0Þ

ρ0DM
a3

; ð2Þ

where “0” indicates present-day values.
The effective DE equation of state can then be derived as

in [36]. If one fits the data assuming a standard, non-
interacting DM component and a decoupled DE compo-
nent, then one is effectively ascribing the nonstandard time
evolution of DM to the DE density

ρeffDE ¼ ρϕ þ
!
AðϕÞ
Aðϕ0Þ

− 1

"
ρ0DM
a3

; ð3Þ

where ρϕ ¼ ð1=2a2Þϕ02 þ VðϕÞ is the scalar field density.
The corresponding effective DE equation of state is

weff ¼
wϕ

1þ
!
AðϕÞ
Aðϕ0Þ

− 1

"
ρ0DM
a3ρϕ

; ð4Þ

where wϕ ¼ ½ϕ02 − 2a2VðϕÞ=ϕ02 þ 2a2VðϕÞ& is the stan-
dard scalar equation of state parameter. Notice that weff and
wϕ coincide at present, but differ in the past. The DESI
results suggest that weff < −1 in the past, but grew to a
value weff > −1 at present. This can be achieved with (4)
provided that

AðϕÞ
Aðϕ0Þ

< 1 ð5Þ

at early times. This corresponds physically to a DM mass
that increases with time in the DESI-sensitive epoch.
(It is possible to achieve weff < −1 with a decreasing
DMmass [37,40], if ρeffDE and ρϕ are chosen to coincide at an
earlier redshift.)
The DMDE coupling also affects the growth of linear

density inhomogeneities δc in three ways: (i) Since the DM
mass increases with time, matter-radiation equality is
shifted to a slightly later time. Because δc grows logarithmi-
cally in the radiation-dominated epoch and linearly in a in
the matter-dominated epoch, the delay in matter-radiation
equality suppresses the overall growth relative to ΛCDM:

δc
δΛCDMc

####
a¼1

≃
aΛCDMeq

aeq
≃
AðϕeqÞ
Aðϕ0Þ

: ð6Þ

(ii) The scalar field changes the expansion history in the
DE-dominated epoch. Compared to ΛCDM, the back-
ground expansion with increasing weff generically sup-
presses the matter density growth. (iii) The DE scalar field
mediates an attractive fifth-force between DM, which
enhances the density growth [65]. However, because this
effect is quadratic in the coupling d lnAðϕÞ=dϕ, it will be
subdominant in our model compared to the previous two
effects, which are linear in the coupling.
The general framework described above offers a simple

mechanism to achieve weff < −1, with interesting phenom-
enological implications. We now turn to implementing this
simple idea in a well-motivated particle physics model that
is stable, technically natural, and under calculational
control.
Dark QCD axion model—We consider the oft-studied

idea that DM is part of a “dark QCD” sector [53–56],
focusing on the simplest possibility of a dark SU(3) gauge
theory with two light (up/down) dark quarks, with masses
mu andmd. We assume that this sector couples to the visible
sector only through gravity. Throughout the rest of the
Letter we will sometimes just refer to quarks, baryons, and
pions, leaving implicit that they are dark sector objects.
Below the confinement scale, the relevant excitations are

dark pions, which may be short-lived, and dark baryons,
which are accidentally long-lived thanks to approximate
dark baryon number conservation [56]. For simplicity, we
will assume that DM is comprised entirely of dark baryons.
A dark axion ϕ, associated with the dark QCD sector,

acts as DE. Like the standard QCD axion, it acquires a
vacuum potential due to the pion mass terms [60,61]
[importantly, Eq. (7) differs from the familiar VðϕÞ ¼
−Λ4 cosðϕ=2fÞ obtained in the single-instanton approxi-
mation [61]; for equal quark masses (ξ ¼ 1), Eq. (7)
reduces to VðϕÞ ≃ −Λ4j cosðϕ=2fÞj]:
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In the presence of a finite density of dark baryons, the
quark condensate is altered [57,58]. This results in a
density-dependent correction [59] to the axion potential
[60,61], which encodes the DMDE interaction. Crucially,
this allows the axion to successfully drive cosmic accel-
eration with a sub-Planckian decay constant, without
tuning initial conditions.
Our framework shares some features with the axio-

dilaton model of [62–64], but also important differences. In
their case, the DE field (the dilaton) couples not only to DM
(which can be the axion) but also to ordinary matter,
potentially yielding distinct observational signatures, e.g.,
in the CMB. As in our model, their axion potential acquires
density-dependent corrections, here sourced by both dark
and ordinary matter.
DMDE interactions—We begin by briefly summarizing

the effects of a DMDE interaction, following [65,66]. The
full equations of motion for background and linear pertur-
bations are given in Appendix A.
The coupling between DM and a DE scalar field ϕ

results in DM having a ϕ-dependent mass

mðϕÞ≡m0AðϕÞ: ð1Þ

Cosmologically, the DM number density still redshifts as
1=a3, thanks to particle number conservation, but because
of (1) the DM mass/energy density is given by

ρDMðϕÞ ¼
AðϕÞ
Aðϕ0Þ

ρ0DM
a3

; ð2Þ

where “0” indicates present-day values.
The effective DE equation of state can then be derived as

in [36]. If one fits the data assuming a standard, non-
interacting DM component and a decoupled DE compo-
nent, then one is effectively ascribing the nonstandard time
evolution of DM to the DE density

ρeffDE ¼ ρϕ þ
!
AðϕÞ
Aðϕ0Þ

− 1

"
ρ0DM
a3

; ð3Þ

where ρϕ ¼ ð1=2a2Þϕ02 þ VðϕÞ is the scalar field density.
The corresponding effective DE equation of state is

weff ¼
wϕ

1þ
!
AðϕÞ
Aðϕ0Þ

− 1

"
ρ0DM
a3ρϕ

; ð4Þ

where wϕ ¼ ½ϕ02 − 2a2VðϕÞ=ϕ02 þ 2a2VðϕÞ& is the stan-
dard scalar equation of state parameter. Notice that weff and
wϕ coincide at present, but differ in the past. The DESI
results suggest that weff < −1 in the past, but grew to a
value weff > −1 at present. This can be achieved with (4)
provided that

AðϕÞ
Aðϕ0Þ

< 1 ð5Þ

at early times. This corresponds physically to a DM mass
that increases with time in the DESI-sensitive epoch.
(It is possible to achieve weff < −1 with a decreasing
DMmass [37,40], if ρeffDE and ρϕ are chosen to coincide at an
earlier redshift.)
The DMDE coupling also affects the growth of linear

density inhomogeneities δc in three ways: (i) Since the DM
mass increases with time, matter-radiation equality is
shifted to a slightly later time. Because δc grows logarithmi-
cally in the radiation-dominated epoch and linearly in a in
the matter-dominated epoch, the delay in matter-radiation
equality suppresses the overall growth relative to ΛCDM:

δc
δΛCDMc

####
a¼1

≃
aΛCDMeq

aeq
≃
AðϕeqÞ
Aðϕ0Þ

: ð6Þ

(ii) The scalar field changes the expansion history in the
DE-dominated epoch. Compared to ΛCDM, the back-
ground expansion with increasing weff generically sup-
presses the matter density growth. (iii) The DE scalar field
mediates an attractive fifth-force between DM, which
enhances the density growth [65]. However, because this
effect is quadratic in the coupling d lnAðϕÞ=dϕ, it will be
subdominant in our model compared to the previous two
effects, which are linear in the coupling.
The general framework described above offers a simple

mechanism to achieve weff < −1, with interesting phenom-
enological implications. We now turn to implementing this
simple idea in a well-motivated particle physics model that
is stable, technically natural, and under calculational
control.
Dark QCD axion model—We consider the oft-studied

idea that DM is part of a “dark QCD” sector [53–56],
focusing on the simplest possibility of a dark SU(3) gauge
theory with two light (up/down) dark quarks, with masses
mu andmd. We assume that this sector couples to the visible
sector only through gravity. Throughout the rest of the
Letter we will sometimes just refer to quarks, baryons, and
pions, leaving implicit that they are dark sector objects.
Below the confinement scale, the relevant excitations are

dark pions, which may be short-lived, and dark baryons,
which are accidentally long-lived thanks to approximate
dark baryon number conservation [56]. For simplicity, we
will assume that DM is comprised entirely of dark baryons.
A dark axion ϕ, associated with the dark QCD sector,

acts as DE. Like the standard QCD axion, it acquires a
vacuum potential due to the pion mass terms [60,61]
[importantly, Eq. (7) differs from the familiar VðϕÞ ¼
−Λ4 cosðϕ=2fÞ obtained in the single-instanton approxi-
mation [61]; for equal quark masses (ξ ¼ 1), Eq. (7)
reduces to VðϕÞ ≃ −Λ4j cosðϕ=2fÞj]:
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If we analyze the cosmology of this model, assuming (wrongly) 
constant dark matter mass



Why is this hard?

(c) The Coleman-Weinberg estimate of the ω potential from ε alone is a bad approxima-
tion. The theory has some underlying structure that enforces cancellations without
fine-tuning.

Furthermore, we have found that case (b) is di!cult to realize in a concrete model, as
discussed in Appendix A.

The basic structure of the interaction between ω and ε can be realized both for bosonic
and for fermionic ε, with e"ective Lagrangians:

Lb = →1

2
(ϑω)2 → 1

2
(ϑε)2 → V (ω)→ 1

2
mω(ω)

2
ε
2
. (2.1)

Lf = →1

2
(ϑω)2 + iε/ϑε→ V (ω)→mω(ω)εε. (2.2)

In the fermionic case we have assumed that ε is a Dirac fermion, though the conclusions
we draw would also hold for a Majorana fermion (up to factors of 2).

In order for ε to behave as dark matter and ω as dark energy, the e"ective mass of ε
must be much larger than that of ω. This raises a question of naturalness: does the e"ective
interaction generate quantum corrections to the potential of ω that are much larger than
the potential itself? The 1-loop correction to the e"ective potential of ω from loops of
ε particles is given by the well-known Coleman-Weinberg result [2]. The 1-loop e"ective
potential is quadratically divergent in the UV cuto" ! (which should be much larger than
mω(ω)). The coe!cient of the !2 term is scheme-dependent, but we can consider the simple
scheme in which we add up the ±1

2ϖεk zero-point energies of all ε momentum modes up to
|ϱk| = !:

V
(1)
ϑ (ω) =

cω

2

∫ !

0

d3ϱk

(2ς)3

√
ϱk2 +mω(ω)2, (2.3)

where cω is a signed count of degrees of freedom (+1 for ε a real scalar, →4 for ε a Dirac
fermion).

The classical evolution of ω is determined by the derivative V
→(ω), so we take our natu-

ralness criterion to be that the derivative of V (1)
ϑ (ω) should be much smaller (in magnitude)

than the derivative of the tree level potential. For the loop-corrected potential, we have

d

dω
V

(1)
ϑ (ω) =

cω

2
mω(ω)m

→
ω(ω)

∫ !

0

d3ϱk

(2ς)3
1√

ϱk2 +mω(ω)2

=
cω

16ς2
mω(ω)m

→
ω(ω)

(
2!2 →mω(ω)

2 log
!2

mω(ω)2
+ · · ·

)
. (2.4)

Here the · · · correspond to terms that are finite in the ! ↑ ↓ limit. We take our naturalness
criterion, then, to be

|V →(ω)| ↔
∣∣∣∣
d

dω
V

(1)
ϑ (ω)

∣∣∣∣ ↗

∣∣∣∣∣
cωmω(ω)m→

ω(ω)!
2

8ς2

∣∣∣∣∣ . (2.5)

One could reasonably ask at what value of ω we should evaluate this condition; in particular,
we should not expect it to hold at a critical point of the tree-level potential where V →(ω) = 0.
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For example: fermionic dark matter χ

Dark energy field φ
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In order for ε to behave as dark matter and ω as dark energy, the e"ective mass of ε
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The classical evolution of ω is determined by the derivative V
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(c) The Coleman-Weinberg estimate of the ω potential from ε alone is a bad approxima-
tion. The theory has some underlying structure that enforces cancellations without
fine-tuning.

Furthermore, we have found that case (b) is di!cult to realize in a concrete model, as
discussed in Appendix A.

The basic structure of the interaction between ω and ε can be realized both for bosonic
and for fermionic ε, with e"ective Lagrangians:
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In the fermionic case we have assumed that ε is a Dirac fermion, though the conclusions
we draw would also hold for a Majorana fermion (up to factors of 2).
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One could reasonably ask at what value of ω we should evaluate this condition; in particular,
we should not expect it to hold at a critical point of the tree-level potential where V →(ω) = 0.
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All that we require in our argument is that this holds for the background value of ω at some
point in the cosmological era of interest, during which ω is not constant. Thus, we do not
expect that the possible presence of critical points is a significant loophole in our argument.
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It seems to be hard to have !ω small. If so, whether it is near a critical point or not does
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Next we turn to the criterion that, in some cosmological period of interest, the part
of the ω potential that depends on the density of ε should dominate the dynamics. The
e!ective potential for ω induced by the finite density of ε is given by

Vind(ω) = ϑω(ω) = mω(ω)nω, (2.6)

where nω is the number density of non-relativistic ε particles in the universe. Requiring
that this dominates the dynamics means that its derivative is larger (in magnitude) than
that of the tree-level, ε-independent potential:
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Chaining together (2.7) and (2.5), we learn that
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Because ” ↑ mω(ω), this implies a large phase-space density of particles. In particular, it
is incompatible with fermionic ε, because it leads to a Fermi energy
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In order to treat the dark matter as non-relativistic, we require EF ↫ mω. In other
words: there is no regime in which the ω potential is natural and determined by the
Coleman-Weinberg estimate, the ε particles are non-relativistic fermionic dark matter, and
the density-dependent ω potential dominates over the tree-level ω potential.

In the bosonic case, there is not a sharp contradiction, but (2.8) implies a stringent
upper bound on the mass of ε. In particular, at the time of matter-radiation equality, the
CMB temperature was Teq ↓ 0.8 eV and so we have
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ϖ
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30
g↑T

4
eq ↓ (0.8 eV)4. (2.10)

Together with (2.8), this implies that

mω ↔ 1.7 eV. (2.11)

This is characteristic of light bosonic dark matter in the “wave dark matter” regime, where
inside galaxies it is better modeled as a classical field than as a collection of particles [MR:
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Putting these together: 



More generally,

(c) The Coleman-Weinberg estimate of the ω potential from ε alone is a bad approxima-
tion. The theory has some underlying structure that enforces cancellations without
fine-tuning.

Furthermore, we have found that case (b) is di!cult to realize in a concrete model, as
discussed in Appendix A.

The basic structure of the interaction between ω and ε can be realized both for bosonic
and for fermionic ε, with e"ective Lagrangians:

Lb = →1

2
(ϑω)2 → 1

2
(ϑε)2 → V (ω)→ 1

2
mω(ω)

2
ε
2
. (2.1)

Lf = →1

2
(ϑω)2 + iε/ϑε→ V (ω)→mω(ω)εε. (2.2)

In the fermionic case we have assumed that ε is a Dirac fermion, though the conclusions
we draw would also hold for a Majorana fermion (up to factors of 2).

In order for ε to behave as dark matter and ω as dark energy, the e"ective mass of ε
must be much larger than that of ω. This raises a question of naturalness: does the e"ective
interaction generate quantum corrections to the potential of ω that are much larger than
the potential itself? The 1-loop correction to the e"ective potential of ω from loops of
ε particles is given by the well-known Coleman-Weinberg result [2]. The 1-loop e"ective
potential is quadratically divergent in the UV cuto" ! (which should be much larger than
mω(ω)). The coe!cient of the !2 term is scheme-dependent, but we can consider the simple
scheme in which we add up the ±1

2ϖεk zero-point energies of all ε momentum modes up to
|ϱk| = !:

V
(1)
ϑ (ω) =

cω

2

∫ !

0

d3ϱk

(2ς)3

√
ϱk2 +mω(ω)2, (2.3)

where cω is a signed count of degrees of freedom (+1 for ε a real scalar, →4 for ε a Dirac
fermion).

The classical evolution of ω is determined by the derivative V
→(ω), so we take our natu-

ralness criterion to be that the derivative of V (1)
ϑ (ω) should be much smaller (in magnitude)

than the derivative of the tree level potential. For the loop-corrected potential, we have
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2 log
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Here the · · · correspond to terms that are finite in the ! ↑ ↓ limit. We take our naturalness
criterion, then, to be

|V →(ω)| ↔
∣∣∣∣
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One could reasonably ask at what value of ω we should evaluate this condition; in particular,
we should not expect it to hold at a critical point of the tree-level potential where V →(ω) = 0.
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DM-DE
Following the similar logic

All that we require in our argument is that this holds for the background value of ω at some
point in the cosmological era of interest, during which ω is not constant. Thus, we do not
expect that the possible presence of critical points is a significant loophole in our argument.

[LTW: what is tbe range of ω?] If we estimate Hω̇ → m
→
ω(ω)nω, this gives
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M
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ω(ω)nω)
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2
P

m
→
ω(ω)

mω

It seems to be hard to have !ω small. If so, whether it is near a critical point or not does
not alleviate the tuning. [LTW: too naive?]

Next we turn to the criterion that, in some cosmological period of interest, the part
of the ω potential that depends on the density of ε should dominate the dynamics. The
e!ective potential for ω induced by the finite density of ε is given by

Vind(ω) = ϑω(ω) = mω(ω)nω, (2.6)

where nω is the number density of non-relativistic ε particles in the universe. Requiring
that this dominates the dynamics means that its derivative is larger (in magnitude) than
that of the tree-level, ε-independent potential:

|V →
ind(ω)| =

∣∣m→
ω(ω)nω

∣∣ ↑ |V →(ω)|. (2.7)

Chaining together (2.7) and (2.5), we learn that

nω ↑ |cω|
8ϖ2

mω”
2
. (2.8)

Because ” ↑ mω(ω), this implies a large phase-space density of particles. In particular, it
is incompatible with fermionic ε, because it leads to a Fermi energy

EF =
1

2mω
(3ϖ2

nω)
2/3 ↑ 0.66

(
”

mω

)4/3

mω ↭ mω. (2.9)

In order to treat the dark matter as non-relativistic, we require EF ↫ mω. In other
words: there is no regime in which the ω potential is natural and determined by the
Coleman-Weinberg estimate, the ε particles are non-relativistic fermionic dark matter, and
the density-dependent ω potential dominates over the tree-level ω potential.

In the bosonic case, there is not a sharp contradiction, but (2.8) implies a stringent
upper bound on the mass of ε. In particular, at the time of matter-radiation equality, the
CMB temperature was Teq ↓ 0.8 eV and so we have

mωnω =
ϖ
2

30
g↑T

4
eq ↓ (0.8 eV)4. (2.10)

Together with (2.8), this implies that

mω ↔ 1.7 eV. (2.11)

This is characteristic of light bosonic dark matter in the “wave dark matter” regime, where
inside galaxies it is better modeled as a classical field than as a collection of particles [MR:
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For sermonic dark matter, same conclusion.
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wave-like DM

All that we require in our argument is that this holds for the background value of ω at some
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Consider a simple DM-DE example

Λ4
φ cos ( φ

fφ ) + Λ4
χ cos ( χ

fχ ) + Λ4
φχ cos ( φ

fφ
+

χ
fχ ) Λφ ∼ Λφχ

 controls dark matter mass, typically  Λχ Λχ ≫ Λφ, Λφχ

 dark matter DE interaction suppressed by  Λφχ /Λχ

Not as sharp as the fermion case, still hard



Way out?

Supersymmetry:

Very low scale breaking, not viable

Goldstone, shift symmetry, e.g. from some strong 
dynamics/compositeness

Shift symmetry broken by coupling to DM



Monodromy mass

refs]. Fermionic dark matter in this mass range is excluded by the Tremaine-Gunn bound [3]
(essentially the same Pauli exclusion argument indicated above).

This argument establishes our claim: either our use of the Coleman-Weinberg formula is
misleading (either because of fine-tuning, or a physical mechanism for a cancellation) or ω is
a light boson. It would be interesting to further explore the possibility that dark matter and
dark energy are both light bosons, e.g., axion-like particles. In this case it is still a challenge
to provide a UV origin of the very large separation of scales between the ε and ω masses,
while having a strong enough interaction between to be cosmologically interesting. As we
explain in Appendix A, the simplest attempt to build such a model runs into a tree-level fine-
tuning problem. The next question is: what mechanism could cancel the Coleman-Weinberg
potential? This is also nontrivial. Supersymmetry, for example, e!ectively replaces the
cuto! ! with the mass scale of the superpartner of ω, if this superpartner is heavier than ω

itself. However, the above argument works even when ! → mω, so supersymmetry is of no
use here. Instead, we will consider the case where ω is part of an infinite family of states
coupled to ε, known as a monodromy tower. In this case, it is known that summing up the
loop corrections of the entire tower can give a result that is exponentially smaller than the
contribution of a single state.

[MR: look at/ cite [4]]
In [5], an axion potential generated by coupling to a dark QCD sector provides the DE.

The density of dark matter, assumed to be dark baryons in this case, a!ects the potential
through its e!ect on the dark quark condensate. An extra suppression factor ϑ to make the
zero-density potential much smaller than the expectation from dark QCD is needed for the
finite density e!ect to play a role. This is not surprising in the light of the discussion above.
There is precisely one known model that achieves this suppression, the ZN -axion model
of [6]. This model contains N copies of SU(3)C gluons, each coupled to a single axion, with
staggered ϖ terms: the kth copy has a theta term ϖ(x)+ 2εk

N . This leads to an exponentially
suppressed axion potential, which is explained by the monodromy under which a fractional
axion shift ϖ(x) ↑↓ ϖ(x) + 2ϱ/N is accompanied by a cyclic permutation of the N gluon
fields. This leads to ϑ ↔ 2→N [LTW: for a qcd like theory with mu/md ↔ 1/2]. This is
an interesting model where a monodromy acts on a finite number of states, leading to an
exponentially suppressed potential. We will now turn to another model where a monodromy
acts on an infinite number of states, leading again to an exponentially small potential.

2.2 A naturally small potential from a monodromy tower

Here, we briefly review the way in which a monodromy tower of ω states can generate an
exponentially small potential for ε. Here we assume that ε is a periodic field, ε ↔= ε+2ϱf

for some decay constant f . The monodromy tower is an infinite family of fields ωn (labeled
by integers n ↗ Z), each of which has a mass mn(ε) that depends on the value of ε:

mn(ε)
2 → m

2
ω +m

2
ωϑ

(
n↘ ε

2ϱf

)2

+ · · · , (2.12)

where the · · · allow for higher powers of (n ↘ ε/2ϱf). Under the gauge transformation
ε ↑↓ ε + 2ϱf , the mass of an individual state is not invariant, but the entire spectrum
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Summing over the full tower, the correction to   suppressed by V(φ)

is: the mass of the state that was originally labeled by n is now the mass of the state
labeled by n + 1. This rearrangement of the states is referred to as monodromy. The
e!ective potential for ω generated by integrating out the entire tower of εn states can
naturally be exponentially small. This is a calculation that has appeared in the literature
in di!erent contexts, from integrating out Kaluza-Klein modes in an extra dimension [7–9]
to integrating out loops of magnetic monopoles [10].

Integrating out a single state εn generates a Coleman-Weinberg potential along the
lines that we estimated above, but this potential is not compatible with the periodicity of
ω. It is only when we sum over all n that we find a periodic result. Mathematically, this
can be accomplished by Poisson resummation, which rearranges the series as a sum over
a di!erent integer w, where each term is proportional to exp(iwω/f) and thus manifestly
periodic. Another way to think about this computation is through the first-quantized
worldline formalism, where all of the εn particles are now unified through a compact boson
ϑ living on the ε worldline. The state εn corresponds to a state with n units of momentum
for ϑ in the worldline quantum mechanics. The terms exp(iwω/f) then correspond to
having w units of winding for ϑ around a closed worldline. When m

2
ω → m

2
ωε, the worldline

computation has an accurate semiclassical approximation, suppressed by exp(↑S) where S

is the worldline instanton action
S =

2ϖmω

mωϑ
. (2.13)

By exponentially suppressing the size of the ω potential induced by loops of ε, the mon-
odromy structure leads to a dramatic failure of the Coleman-Weinberg estimate and evades
our earlier conclusion. In particular, the mass of ε can be far above the eV scale without
any fine-tuning.

[MR: Work in progress below – adding a somewhat more detailed discussion]
To exploit this mechanism, then, we should focus on models where ω is a periodic

(axion-like) field coupled to a monodromy tower. Quite generally, these monodromy towers
arise when axions and gauge fields participate in Chern-Simons terms. When there is a
term of the form ∫

k
ϱ

8ϖ2
dA1 ↓ dA2, (2.14)

then a particle magnetically charged under A1 acquires a set of excitations that are elec-
trically charged under A2 (and vice versa). This is a special case of the phenomenon of
anomaly inflow [11], as emphasized in this context by [12–14]. [MR: Add some words about
non-invertible symmetries?]

[MR: List some examples of how such towers can arise.] Another example of the
monodromy structure arises in Kaluza-Klein theories. If we compactify a 5d gauge theory
with gauge field A on a circle, then in the lower-dimensional theory we have an axion field
that corresponds to the holonomy around the circle, ϱ =

∮
S1 A, as well as two gauge fields,

A inherited from the 5d gauge field and B from the 5d graviton. This holonomy e!ectively
modifies the periodicity of charged fields around the circle and shifts the quantization of
Kaluza-Klein charge, so for every field of charge q in the 5d theory, we obtain a Kaluza-
Klein tower of fields with e!ective KK charge qKK = n + q

ϖ
2ϱ . [MR: double-check sign]
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Example, KK-tower
Extra-dimension , KK tower of charged particle.M4 × S1

Axion = ∫ A5 = 2πRθ

case we will not necessarily find a corresponding massless axion in 4d, depending on the boundary
conditions. The other approach, which is realized in a large collection of string theory examples, is
to consider a geometry with multiple extra dimensions and obtain the axion by reducing a p-form
gauge field on a p-dimensional cycle within the extra dimensions. In this case, there is always a
(perturbatively) massless mode for every such cycle. We will comment on this case further in §14.3.
For now, let’s continue to investigate the 5d toy model on a circle, as it provides the simplest setting
in which to learn some important qualitative lessons.

14.2 Quality problem for extra-dimensional axions

Because A is a gauge field, it is exactly massless in the 5d theory. So there is no immediate mystery
of why we don’t have a large bare potential for ✓. (One could wonder about a Stueckelberg or
BF -type mass for A, but these depend on an integer coefficient, so it is perfectly consistent to set
any such coupling to zero and forget about it.) In general, 5d couplings that depend on the field
strength F = dA become 4d terms depending on d✓, which do not generate an axion potential.
Thus, the only terms that can possibly matter for the axion quality problem are 5d terms that
depend non-derivatively on A. In gauge theories, such terms are very highly constrained. One
such term is the 5d Chern-Simons term (185), which becomes the 4d axion coupling to gluons,
and is crucial for generating the potential VQCD. We could also potentially have 5d Chern-Simons
couplings of A to different gauge fields (e.g., hidden sector gluons). These would generate a 4d
potential in a similar manner to QCD. In particular, such a potential would be exponentially small,
and so it would not be surprising for such contributions to be small enough, relative to VQCD, to
not spoil the Strong CP solution.

The other 5d source of couplings depending non-derivatively on A is the existence of 5d fields
charged under the gauge field. In other words, the 5d covariant derivative for a field with U(1)
charge q 2 Z, which is D = d + iqA, leads to ✓-dependent terms in 4d. The axion field lives in A5,
so we specifically look at the 5th component:

D5 = @5|{z}
i
n
R , KK number

+iq A5|{z}
✓

2pR

. (188)

A 5d field with mass m5d becomes an infinite tower of 4d fields with n 2 Z units of Kaluza-Klein
momentum around the circle, and an axion-dependent mass,

m2

n = m2

5d
+

1

R2

✓
n+

q✓

2p

◆
2

. (189)

This is a manifestly non-derivative coupling of the axion. We also see that the mass of a given KK
mode mn is not a periodic function of ✓, even though our theory is supposed to be gauge invariant
under ✓ 7! ✓ + 2p. It is, but in a nontrivial way: the mass of an individual mode is not invariant,
but the mass of the mode with number n� q shifts to match the mass that the mode with number
n originally had. The infinite tower rearranges itself so that the full spectrum is invariant under a
2p shift of ✓. This phenomenon, illustrated in Fig. 10, is generally referred to as monodromy. The
simplest example, which you may have encountered before, is the quantum mechanical problem of
a particle on a ring.

Once we have a set of modes with mass depending on the value of ✓, quantum effects will
necessarily translate this into a ✓-dependent potential energy. This type of calculation is often
referred to as a Coleman-Weinberg potential [109]: we think of ✓(x) as a classical background in
which the various KK modes are propagating, and simply sum up their vacuum bubbles in this

68
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Integrating out the tower of KK particles. 
The induced potential suppressed by, for  m5d ≫ R−1

e−m5dR

R =  size of 5th dim



Why  suppression?e−S

Locality

Axion = ∫ A5 = 2πRθ “Spread over” full 5th dim

Heavy particle localized in a region ∼ m−1
5d ≪ R

Hence, the effect is ∝ e−m5dR
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5d ≪ R

Hence, the effect is ∝ e−m5dR

Symmetry:

Axion descends from  is protected by a 1-form symmetry (electric). 
The breaking effect of such symmetry is often exponentially suppressed

A5
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We consider: 
Monopole + dyon tower

Dark sector ’t Hooft - Polyakov monopole. 
Charged under a dark , U(1)D

Underlying this is a monodromy: when ω →↑ ω + 2ε, A →↑ A↓B. There is a corresponding
Stueckelberg structure and a modified Bianchi identity: the gauge-invariant 4d field strength
is F̃ = dA+ ω

2εdB, with dF̃ = 1
2εdB↔dω (for a textbook discussion of such modified Bianchi

identities, see, e.g., section 12.1 of [15]; for this particular case, see, e.g., [14, 16]). This
example might, at first glance, seem di!erent from that of (2.14), since here we have a
tower of purely electrically charged states. However, the Stueckelberg structure is dual to
a Chern-Simons term.

3 Model Setup

In our model, the magnetic monopoles with a dark charge will be dark matter, and an
extremely light axion field that couples to the dark U(1) serves as dark energy. The axion
field induces a dark electric charge on the monopoles via Witten’s e!ect, changing their
mass and thus introducing the DM-DE interaction. We will present the predicted strength
of DM-DE interaction in our minimal model, which is about one order of magnitude weaker
than what is required to explain the recent DESI experiment. In the next section, we
will discuss a scenario that enhances the DM-DE interaction strength by populating higher
charge dyons cosmologically.

3.1 ’t Hooft Polyakov monopoles

Magnetic monopoles represent a theoretically compelling dark matter candidate, arising
naturally in gauge theories with spontaneously broken symmetries and non-trivial vacuum
topology. We assume a minimal realization of this scenario via the Higgsing of a dark
non-Abelian SU(2)→ gauge field, W a

µϑ , described by the Georgi-Glashow Lagrangian:

L ↗ ↓1

4
W

a
µϑW

aµϑ ↓ 1

2
Dµϑ

a
D

µ
ϑ
a ↓ V [ϑ] . (3.1)

The potential is given by V [ϑ] = ϖ
4 (ϑ

a
ϑ
a↓v

2
D)

2, where the dark scalar field ϑ
a is in the ad-

joint representation. This field acquires a vacuum expectation value (VEV), ↘ϑa
ϑ
a≃ = v

2
D,

which spontaneously breaks the symmetry as SU(2)→ ↑ U(1)→. In this phase, magnetic
monopoles—specifically ’t Hooft-Polyakov monopoles—appear as topological solitons cor-
responding to the homotopy classes of mappings from the sphere at spatial infinity to
the vacuum manifold. These configurations are classified by the second homotopy group
ε2(SU(2)→/U(1)→) ⇐= Z. In the BPS limit, the mass and magnetic charge of the monopole
are determined by the symmetry breaking scale, with mM = 4εvD/eD and qM = 4εw/eD,
where w ⇒ Z represents the topological degree (similar to winding number) of the mapping.
For the rest of this paper we take w = 1.

By extending the Georgi-Glashow Lagrangian in equation 3.1 to include the topological
term (ωϖD/8ε)W a

W̃
a and promoting the parameter ω to a dynamical axion field via ω ⇑

ϱ/fa, contributions from small instantons in the broken SU(2)→ sector generate a periodic
potential for the axion. In this notation, we take ϖD = e

2
D/4ε to be the fine structure

constant of the dark U(1)→ sector. In the broken phase, the e!ective Lagrangian thus takes
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the form:
L → ωD

8ε

ϑ

fa
F

→
F̃

→ + !4

(
1↑ cos

[
ϑ

fa

])
. (3.2)

In the unitary gauge, where ϖ̂
a = (0, 0, 1), the U(1)→ field strength is identified as F

→
µω =

ϱµW
3
ω ↑ ϱωW

3
µ far from the monopole core. The magnitude of the potential barrier, !4 =

m
2
af

2
a , is defined by the axion mass and the decay constant fa or the scale of the global

U(1) symmetry breaking. This scale is exponentially suppressed by the SU(2)→ instanton
action and is approximately given by

!4 = m
2
af

2
a ↓ v

4
De

↑2ε/ϑD . (3.3)

This exponential suppression naturally allows the axion potential to match the observed
dark energy density, provided the symmetry breaking scale and coupling are appropriately
tuned. For instance, fixing vD = 10 TeV, this uniquely determines the dark gauge coupling
as ωD ↔ 0.044. As we will see, this is the relevant scale to produce the correct relic
abundance of dark monopoles, though the exact value of ωD only logarithmically depends
on the scale.

3.2 Witten e!ect and dark matter-dark energy interaction

An ultralight axion field rolling in the late Universe can lead to rich cosmological signatures
and novel phenomenology. Crucially, in this framework, magnetic monopoles acquire an
induced electric charge in the presence of a dynamical ς-background—a phenomenon known
as the Witten e!ect [17]. The topological coupling L → (ςωD/8ε)F →

F̃
→ from 3.2 transforms

the monopoles into dyons with a dark electric charge given by

qe = eD

(
n↑ ς

2ε

)
, (3.4)

where n ↗ Z denotes the quantized contribution to the electric charge. As we will discuss,
this induced charge facilitates a direct, dynamical coupling between the monopole dark
matter and the axionic dark energy.

As a consequence of the Witten e!ect, the axion also introduces corrections to the
’t Hooft-Polyakov monopole mass, mM = 4εvD/eD. This shift can be understood as the
additional electromagnetic energy carried by the dyon resulting from the induced electric
charge in a dynamical ς-background. Consider a family of dyons labeled by an integer n,
with mass formula

mD(n, ς) = mM + φmM
ω
2
D

2

(
n↑ ς

2ε

)2

+ · · · . (3.5)

Here φ is expected to be an order-one number; in particular, φ = 1 in the BPS limit. φ may
be much smaller than 1 if we introduce extremely light fermions. For the purpose of this
work, φ is an order one number since we only consider heavy fermions in the model. The
dots indicate terms of order (n↑ς/(2ε))4 or higher, which we assume to be small. Without
loss of generality, we will take ς in the range ↑ε < ς ↘ ε. In order to trust perturbation
theory, we require

n ↭ ω
↑1
D . (3.6)
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→
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3
ω ↑ ϱωW
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action and is approximately given by

!4 = m
2
af

2
a ↓ v

4
De

↑2ε/ϑD . (3.3)

This exponential suppression naturally allows the axion potential to match the observed
dark energy density, provided the symmetry breaking scale and coupling are appropriately
tuned. For instance, fixing vD = 10 TeV, this uniquely determines the dark gauge coupling
as ωD ↔ 0.044. As we will see, this is the relevant scale to produce the correct relic
abundance of dark monopoles, though the exact value of ωD only logarithmically depends
on the scale.

3.2 Witten e!ect and dark matter-dark energy interaction

An ultralight axion field rolling in the late Universe can lead to rich cosmological signatures
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induced electric charge in the presence of a dynamical ς-background—a phenomenon known
as the Witten e!ect [17]. The topological coupling L → (ςωD/8ε)F →
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→ from 3.2 transforms

the monopoles into dyons with a dark electric charge given by

qe = eD

(
n↑ ς
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)
, (3.4)

where n ↗ Z denotes the quantized contribution to the electric charge. As we will discuss,
this induced charge facilitates a direct, dynamical coupling between the monopole dark
matter and the axionic dark energy.

As a consequence of the Witten e!ect, the axion also introduces corrections to the
’t Hooft-Polyakov monopole mass, mM = 4εvD/eD. This shift can be understood as the
additional electromagnetic energy carried by the dyon resulting from the induced electric
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Here φ is expected to be an order-one number; in particular, φ = 1 in the BPS limit. φ may
be much smaller than 1 if we introduce extremely light fermions. For the purpose of this
work, φ is an order one number since we only consider heavy fermions in the model. The
dots indicate terms of order (n↑ς/(2ε))4 or higher, which we assume to be small. Without
loss of generality, we will take ς in the range ↑ε < ς ↘ ε. In order to trust perturbation
theory, we require
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We consider: 
Monopole + dyon tower

Monopole has a tower of dyonic excitations, labelled by 
integer n.

Witten effect: Monopole picks up an electric charge for θ ≠ 0

qe = eD (n −
θ

2π )

Mass of n-th dyon

the form:
L → ωD

8ε

ϑ

fa
F

→
F̃

→ + !4

(
1↑ cos

[
ϑ

fa

])
. (3.2)

In the unitary gauge, where ϖ̂
a = (0, 0, 1), the U(1)→ field strength is identified as F

→
µω =

ϱµW
3
ω ↑ ϱωW

3
µ far from the monopole core. The magnitude of the potential barrier, !4 =
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2
a , is defined by the axion mass and the decay constant fa or the scale of the global

U(1) symmetry breaking. This scale is exponentially suppressed by the SU(2)→ instanton
action and is approximately given by
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2
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4
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↑2ε/ϑD . (3.3)

This exponential suppression naturally allows the axion potential to match the observed
dark energy density, provided the symmetry breaking scale and coupling are appropriately
tuned. For instance, fixing vD = 10 TeV, this uniquely determines the dark gauge coupling
as ωD ↔ 0.044. As we will see, this is the relevant scale to produce the correct relic
abundance of dark monopoles, though the exact value of ωD only logarithmically depends
on the scale.

3.2 Witten e!ect and dark matter-dark energy interaction

An ultralight axion field rolling in the late Universe can lead to rich cosmological signatures
and novel phenomenology. Crucially, in this framework, magnetic monopoles acquire an
induced electric charge in the presence of a dynamical ς-background—a phenomenon known
as the Witten e!ect [17]. The topological coupling L → (ςωD/8ε)F →

F̃
→ from 3.2 transforms

the monopoles into dyons with a dark electric charge given by

qe = eD

(
n↑ ς

2ε

)
, (3.4)

where n ↗ Z denotes the quantized contribution to the electric charge. As we will discuss,
this induced charge facilitates a direct, dynamical coupling between the monopole dark
matter and the axionic dark energy.

As a consequence of the Witten e!ect, the axion also introduces corrections to the
’t Hooft-Polyakov monopole mass, mM = 4εvD/eD. This shift can be understood as the
additional electromagnetic energy carried by the dyon resulting from the induced electric
charge in a dynamical ς-background. Consider a family of dyons labeled by an integer n,
with mass formula

mD(n, ς) = mM + φmM
ω
2
D

2

(
n↑ ς

2ε

)2

+ · · · . (3.5)

Here φ is expected to be an order-one number; in particular, φ = 1 in the BPS limit. φ may
be much smaller than 1 if we introduce extremely light fermions. For the purpose of this
work, φ is an order one number since we only consider heavy fermions in the model. The
dots indicate terms of order (n↑ς/(2ε))4 or higher, which we assume to be small. Without
loss of generality, we will take ς in the range ↑ε < ς ↘ ε. In order to trust perturbation
theory, we require

n ↭ ω
↑1
D . (3.6)
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We consider: 
Monopole + dyon tower

This exponential suppression can also be viewed in two ways

1. Small instanton effect from  that generates monopole.G → U(1)

2. Axion shift symmetry, though anomalous, can be generalized 
to a non-invertible symmetry which still protects axion potential. 
This can only be broken by heavy defect, hence exponential 
suppression.

C. Cordova, K. Ohmori, 2023 
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Underlying this is a monodromy: when ω →↑ ω + 2ε, A →↑ A↓B. There is a corresponding
Stueckelberg structure and a modified Bianchi identity: the gauge-invariant 4d field strength
is F̃ = dA+ ω

2εdB, with dF̃ = 1
2εdB↔dω (for a textbook discussion of such modified Bianchi

identities, see, e.g., section 12.1 of [15]; for this particular case, see, e.g., [14, 16]). This
example might, at first glance, seem di!erent from that of (2.14), since here we have a
tower of purely electrically charged states. However, the Stueckelberg structure is dual to
a Chern-Simons term.

3 Model Setup

In our model, the magnetic monopoles with a dark charge will be dark matter, and an
extremely light axion field that couples to the dark U(1) serves as dark energy. The axion
field induces a dark electric charge on the monopoles via Witten’s e!ect, changing their
mass and thus introducing the DM-DE interaction. We will present the predicted strength
of DM-DE interaction in our minimal model, which is about one order of magnitude weaker
than what is required to explain the recent DESI experiment. In the next section, we
will discuss a scenario that enhances the DM-DE interaction strength by populating higher
charge dyons cosmologically.

3.1 ’t Hooft Polyakov monopoles

Magnetic monopoles represent a theoretically compelling dark matter candidate, arising
naturally in gauge theories with spontaneously broken symmetries and non-trivial vacuum
topology. We assume a minimal realization of this scenario via the Higgsing of a dark
non-Abelian SU(2)→ gauge field, W a

µϑ , described by the Georgi-Glashow Lagrangian:

L ↗ ↓1

4
W

a
µϑW

aµϑ ↓ 1

2
Dµϑ

a
D

µ
ϑ
a ↓ V [ϑ] . (3.1)

The potential is given by V [ϑ] = ϖ
4 (ϑ

a
ϑ
a↓v
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D)

2, where the dark scalar field ϑ
a is in the ad-

joint representation. This field acquires a vacuum expectation value (VEV), ↘ϑa
ϑ
a≃ = v

2
D,

which spontaneously breaks the symmetry as SU(2)→ ↑ U(1)→. In this phase, magnetic
monopoles—specifically ’t Hooft-Polyakov monopoles—appear as topological solitons cor-
responding to the homotopy classes of mappings from the sphere at spatial infinity to
the vacuum manifold. These configurations are classified by the second homotopy group
ε2(SU(2)→/U(1)→) ⇐= Z. In the BPS limit, the mass and magnetic charge of the monopole
are determined by the symmetry breaking scale, with mM = 4εvD/eD and qM = 4εw/eD,
where w ⇒ Z represents the topological degree (similar to winding number) of the mapping.
For the rest of this paper we take w = 1.

By extending the Georgi-Glashow Lagrangian in equation 3.1 to include the topological
term (ωϖD/8ε)W a

W̃
a and promoting the parameter ω to a dynamical axion field via ω ⇑

ϱ/fa, contributions from small instantons in the broken SU(2)→ sector generate a periodic
potential for the axion. In this notation, we take ϖD = e

2
D/4ε to be the fine structure

constant of the dark U(1)→ sector. In the broken phase, the e!ective Lagrangian thus takes
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In the unitary gauge, where ϖ̂
a = (0, 0, 1), the U(1)→ field strength is identified as F

→
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3
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This exponential suppression naturally allows the axion potential to match the observed
dark energy density, provided the symmetry breaking scale and coupling are appropriately
tuned. For instance, fixing vD = 10 TeV, this uniquely determines the dark gauge coupling
as ωD ↔ 0.044. As we will see, this is the relevant scale to produce the correct relic
abundance of dark monopoles, though the exact value of ωD only logarithmically depends
on the scale.

3.2 Witten e!ect and dark matter-dark energy interaction

An ultralight axion field rolling in the late Universe can lead to rich cosmological signatures
and novel phenomenology. Crucially, in this framework, magnetic monopoles acquire an
induced electric charge in the presence of a dynamical ς-background—a phenomenon known
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)
, (3.4)

where n ↗ Z denotes the quantized contribution to the electric charge. As we will discuss,
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’t Hooft-Polyakov monopole mass, mM = 4εvD/eD. This shift can be understood as the
additional electromagnetic energy carried by the dyon resulting from the induced electric
charge in a dynamical ς-background. Consider a family of dyons labeled by an integer n,
with mass formula
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Here φ is expected to be an order-one number; in particular, φ = 1 in the BPS limit. φ may
be much smaller than 1 if we introduce extremely light fermions. For the purpose of this
work, φ is an order one number since we only consider heavy fermions in the model. The
dots indicate terms of order (n↑ς/(2ε))4 or higher, which we assume to be small. Without
loss of generality, we will take ς in the range ↑ε < ς ↘ ε. In order to trust perturbation
theory, we require
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where n ↗ Z denotes the quantized contribution to the electric charge. As we will discuss,
this induced charge facilitates a direct, dynamical coupling between the monopole dark
matter and the axionic dark energy.

As a consequence of the Witten e!ect, the axion also introduces corrections to the
’t Hooft-Polyakov monopole mass, mM = 4εvD/eD. This shift can be understood as the
additional electromagnetic energy carried by the dyon resulting from the induced electric
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Here φ is expected to be an order-one number; in particular, φ = 1 in the BPS limit. φ may
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For example, vD ≃ 10 TeV, αD ≃ 0.044

Λ4 ≃ ρDE
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The presence of magnetic monopoles back-reacts on the axion field, e!ectively modi-
fying its potential. In a Universe populated by monopoles and anti-monopoles, the axion
acquires an additional mass term arising from the induced electric charge density on the
solitons [18]. If the axion field is ultralight and drives the late-time expansion as dark en-
ergy, this mechanism naturally introduces a sizable coupling between dark energy and dark
matter, assuming the monopoles constitute the dark matter density. Since ωD → 0.044 is
fixed by the requirement that the exponentially suppressed instanton potential matches the
observed dark energy density, there is no free parameter in this minimal model setup. The
total axion potential, expressed in terms of the dimensionless field ε ↑ a/fa, is given by the
sum of the instanton-induced potential and the monopole energy density contribution:

Ve!(ε) = Vinst + Vind ↑ !4(1↓ cos ε) + ϑmMnM
ω
2
D

2

(
n↓ ε

2ϖ

)2

, (3.7)

where !4 = m
2
af

2
a from equation 3.3.

3.3 DM-DE interaction strength

To estimate the strength of the coupling from Vind, we will suppose that a number of
di!erent dyonic states are populated. In particular, let fn denote the fraction of the total
magnetic monopole dark matter number density accounted for by the dyon mode n, so that∑

n→Z fn = 1. As in (2.6), we can view the dark matter density, with its dependence on ε,
as producing an e!ective potential for the field ϱ = fε. Subtracting o! the ϱ-independent
part of the total dyon density, we obtain an e!ective potential given by

Vind(ϱ) =
∑

n→Z
(ςn(ϱ)↓ ςn(0))

=
∑

n→Z
ϑω

2
DfnnMmM

(
↓n

(
ϱ

2ϖf

)
+

1

2

(
ϱ

2ϖf

)2
)

= nMmM
ϑω

2
D

2

(
ϱ

2ϖf

)2

. (3.8)

In the last step, we have assumed that fn = f↑n. [MR: To do: double-check 2 and ϖ

factors]
This is to be compared against the ε-independent part, which we interpret as just the

total dark matter density[HB: is this correct? isn’t the total DM density nMmD? at least
that’s what i assumed in pheno section and followed Khoury’s convention]:

ςM = nMmM

(
1 +

∑

n→Z
fn

ϑω
2
D

2
n
2

)
. (3.9)

From this, we see that Vind(ϱ) is always a small contribution to the overall energy
budget of the universe. The only way out is if the dyon plasma is not charge-symmetric,
i.e., if fn ↔= f↑n. In Sec. 4, we will discuss in detail how to make dyons not charge-symmetric
through a rotating axion field, which can greatly enhance the DM-DE interaction strength.
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This has the needed for to implementing DM-DE scenario.
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Assuming fractions . Interaction small since suppressed by fn = f−n α2
D



Asymmetric dyon 
production
However, it can’t be the axion 
that controls DE. 

significantly shift the dyon mass spectrum. 1 For ma > 10→21 eV, it will simply oscillate
in the late Universe and does not contribute to the dark energy potential. Here we justify
that the second axion abundance is negligible compared to dark matter for a broad range of
parameters. For simplicity, we assume most rolling occurs at the temperature of monopole
production, Tc → 100 TeV, which can be achieved by choosing proper quartic couplings as
shown in Eq. 4.9. The second axion abundance is related to its kinetic energy through[HB:

if this is second axion, then let’s have ω2 or ω
↑]

εω

s
=

manω

s
→ N Hf

2
a

g↓(T )T 3
→ Nmaf

2
a

g↓(Tc)MplTc
, (4.11)

where N = ω̇/H ↑ 2ϑ/ϖD characterizes the initial axion kinetic energy we need to populate
di!erent towers of high n states. T0 = εM/s = 0.44 eV is the dark energy abundance.
Therefore, this imposes an upper bound on the decay constant

fa ↭
(
g↓(Tc)T0TcMpl

Nma

)1/2

↑ 8.7↓ 1014GeV

(
10→6eV

ma

)1/2

. (4.12)

Note that the above constraint is from the late Universe abundance of the second axion
field, which is independent of the energy budget constraint.

Next, we check whether the induced potential from monopoles will dissipate the axion
kinetic energy to prevent them from rolling. The change on the kinetic energy is

ε̇ω = ϖ
2
DεM

N
2ϑ

ω̇

2ϑ
. (4.13)

Where εM is the monopole density at the time of rolling, which is assumed to occur around
the time of monopole freeze-out. The change rate of the axion kinetic energy compared to
Hubble is

ε̇ω

Hεω
=

ϖ
2
DεM

2ϑ2H2f2
a
→ ϖ

2
D

2ϑ2

εM

εR

(
Mpl

fa

)2

, (4.14)

where εR is the radiation density in the Universe, which is the dominant component at that
time. By requiring ε̇ω/Hεω < 1, we obtain a lower bound on the decay constant that is
independent of axion mass

fa ↫
(
ϖ
2
DT0

2ϑ2Tc

)
Mpl ↑ 1010GeV. (4.15)

Therefore, there is a window of axion parameters that can achieve rolling that enhances the
signal by a factor of ϖ→1

D . This increases the DM-DE interaction strength to the few-percent
level.

1This poses a challenge for models with fa → Mpl. The ratio of the kinetic energy of the axion field to
the total energy in the Universe is

ωω

ωcrit
→ ε̇

2
f
2
a

H2M2
pl

. (4.10)

Therefore, ε̇/H ↑ 1 is only possible if fa ↓ Mpl due to the energy budget. A lower fa is preferred, which
is, however, disfavored by a dark energy field. Therefore, we introduce a second axion field that couples to
the gauge sector to shift the dyon mass spectrum.
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Can’t have ·θ ≫ H

< 1

We can introduce a second axion also couples to monopole. 
Has significant rolling, and subdominant in abundance.



A second axion

where →S↑ is the expectation value of the radial PQ field, and s is the entropy density.
Initially, →S↑ can be large due to the flat potential. Eventually, the radial mode should
settle at its expectation value →S↑ = fa. In a model with a quartic potential for the PQ
scalar, we have →S↑ ↓ R

→1 and ω̇ ↓ R
→1 when the quartic term dominates, where R is

the scale factor of the expanding Universe. The field range the axion field can travel is
determined by ω̇/H. In a radiation-dominated Universe, it scales as

ω̇

H
↓ R. (4.8)

Therefore, most of the axion rotation occurs right before S sets to its expectation value.
After the radial mode settles to its minimum, ω̇ ↓ a

→3 and the kinetic energy quickly
redshifts away. The temperature of S settling to its minimum is [55]

Ts ↔ Tosc
fa

Si

↔ 20 TeV

(
fa

109 GeV

)(
εs

10→10

)1/2(1017 GeV

Si

)1/2

, (4.9)

where Tosc is the oscillation temperature of S,[LTW: we didn’t talk about what is oscillation
before this] εs is the quartic coupling strength, and Si is its initial field value. For our
mechanism to work, most rolling should occur after the monopole production, requiring
Ts ↭ 100 TeV. Additionally, we need ω̇/Hi ↗ 30ϑ to significantly shift the dyon mass
spectrum. 1 For ma > 10→21 eV, it will simply oscillate in the late Universe and does not
contribute to the dark energy potential. Here we justify that the second axion abundance
is negligible compared to dark matter for a broad range of parameters. For simplicity, we
assume most rolling occurs at the temperature of monopole production, Tc ↗ 100 TeV,
which can be achieved by choosing proper quartic couplings as shown in Eq. 4.9. The
second axion abundance is related to its kinetic energy through

ϖω→

s
=

ma→nω→

s
↗ Nma→

Hf
2
a→

g↑(T )T 3
↗ Nma→f

2
a↓

g↑(Tc)MplTc

, (4.11)

where N = ω̇/H ↘ 2ϑ/ϱD characterizes the initial axion kinetic energy we need to populate
di!erent towers of high n states. T0 = ϖM/s = 0.44 eV is the dark matter density-to-entropy
ratio. Therefore, this imposes an upper bound on the decay constant

f
↓
a ↭

(
g↑(Tc)T0TcMpl

Nm↓
a

)1/2

↘ 8.7≃ 1014GeV

(
10→6eV

m↓
a

)1/2

. (4.12)

Note that the above constraint is from the late Universe abundance of the second axion
field, which is independent of the energy budget constraint.

1This poses a challenge for models with fa → Mpl. The ratio of the kinetic energy of the axion field to
the total energy in the Universe is

ωω

ωcrit
→ ε̇

2
f
2
a

H2M2
pl

. (4.10)

Therefore, ε̇/H ↑ 1 is only possible if fa ↓ Mpl due to the energy budget. A lower fa is preferred, which
is, however, disfavored by a dark energy field. Therefore, we introduce a second axion field that couples to
the gauge sector to shift the dyon mass spectrum.
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Second axion abundance less than the DM

Next, we check whether the induced potential from monopoles will dissipate the axion
kinetic energy to prevent them from rolling. The change on the kinetic energy is

ω̇ω = ε
2
DωM

N
2ϑ

ϖ̇

2ϑ
. (4.13)

Where ωM is the monopole density at the time of rolling, which is assumed to occur around
the time of monopole freeze-out [LTW: we said earlier that the rolling occurs mostly right
before the axion settles into the bottom of the potential. We are assuming this coincides
with the monopole annihilation?]. The change rate of the axion kinetic energy compared
to Hubble is

ω̇ω

Hωω
=

ε
2
D
ωM

2ϑ2H2f2
a→

→ ε
2
D

2ϑ2

ωM

ωR

(
Mpl

fa→

)2

, (4.14)

where ωR is the radiation density in the Universe, which is the dominant component at that
time. By requiring ω̇ω/Hωω < 1, we obtain a lower bound on the decay constant that is
independent of axion mass

fa→ ↭
(
ε
2
D
T0

2ϑ2Tc

)1/2

Mpl ↑ 1010GeV. (4.15)

Therefore, there is a window of axion parameters that can achieve rolling that enhances the
signal by a factor of ε→1

D
. This increases the DM-DE interaction strength to the few-percent

level.

5 Phenomenological Signatures

The primary advantage of this model is its ability to generate distinctive cosmological
signatures. In the following sections, we explore two such signatures arising in both the
dark and visible sectors.

5.1 Background Equations

We evolve the homogeneous system in a spatially flat Friedmann–Robertson–Walker back-
ground. It is convenient to use

x ↓ ln a = ↔ ln(1 + z), E(x) ↓ H(x)

H0
, (5.1)

and a prime below denotes a derivative with respect to x. We also define

fPl ↓
fa

MPl
, µ ↓ ma

H0
, h ↓ H0

100 km s→1Mpc→1 . (5.2)

Here H0 is the Hubble constant of the axion–monopole cosmology, rather than a separately
fixed Planck value. Consequently, holding µ fixed while varying the fitted background keeps
ma/H0 fixed, not the physical axion mass ma.

The axion-dependent dyon mass is encoded by

A(ϖ) ↓ 1 +
ϱε

2
D

2

(
n↔ ϖ

2ϑ

)2

= 1 +
ϱε

2
D

8ϑ2
(ϖ ↔ 2ϑn)2 , (5.3)
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Coupling to monopole does not prevent it from rolling



Cosmological history
0

¢
µ(

z)

varying µi | ÆD = 0, ≠§ = 0

µi/º f/MPl H0 ≠Mon ¬2
BAO/∫

0.25 1.491 63.9 0.294 1.82

0.50 0.739 65.3 0.281 1.17

0.75 0.502 67.6 0.263 0.83

0.99 0.433 68.9 0.253 0.87

1.25 0.502 67.6 0.263 0.83

1.50 0.739 65.3 0.281 1.17

1.99 10.000 43.3 0.640 753.96

0¢
µ(

z)

varying µi | ÆD = 0.044, ≠§ = 0

µi/º f/MPl H0 ≠Mon ¬2
BAO/∫

0.25 1.437 63.9 0.158 1.76

0.50 0.682 65.7 0.150 1.04

0.75 0.461 68.3 0.139 0.82

0.99 0.442 68.7 0.138 0.85

1.25 0.543 66.9 0.146 0.87

1.50 0.789 65.1 0.155 1.27

1.99 10.000 43.3 0.354 757.91

10°3 10°1 101 103 105

z

0

0.25º

0.50º

0.75º

1.00º

1.25º

1.50º

¢
µ(

z)
varying ≠§ | µi/º = 3/4, ÆD = 0.044

≠§ f/MPl H0 ≠Mon ¬2
BAO/∫

0.10 0.512 68.1 0.140 0.82

0.30 0.405 68.6 0.138 0.84

0.50 0.275 69.0 0.136 0.86

0.70 0.107 69.3 0.136 0.90

Results preliminary. Shows significant evolution possible. 

Rolling of axion:  

weff(z)



After thoughts: 
Implications of  ρDE ≠ constant

Some fun with rolling scalar models.  
More fine-tuned than cosmological constant.  
Need to tune the potential as well. 



After thoughts: 
Implications of  ρDE ≠ constant

Some fun with rolling scalar models.  
More fine-tuned than cosmological constant.  
Need to tune the potential as well. 

More exciting: this could be telling us there is some dynamical 
mechanism to adjusting the dark energy towards zero.  

No workable model yet.



Conclusions
If DE evolves, such as discovery would be extremely exciting. 


DM-DE interaction (quick generic) can lead to interesting 
evolution. 


However, a natural model is difficult.


DM with monodromy coupling to DE is promising.


We show that it is possible to implement this with monopole-
axion system.


Hoping to hear the good news in the near future!



Monopole abundance
No controlled calculation, can only estimate

Attraction: 

4.1 Relic density of monopoles

The initial density of monopoles after the phase transition depends on the exact dynamics,
which can be model-dependent. However, these monopoles can further annihilate away in
some mass ranges due to their magnetic forces between each other, providing a "freeze-out"
abundance of magnetic monopoles that does not sensitively depend on the dynamics of the
dark sector phase transition. Schematically, the initial density is determined by [43]

nM(ti) → A ω
→3

, (4.1)

where ω is the Higgs field correlation length at the time of phase transition, and A → 0.1 is
a geometric factor. Causality requires that the correlation length must be smaller than the
horizon scale, which imposes a lower bound [44]

nM(ti) ↭ At
→3
i

. (4.2)

For the usual GUT phase transition, the initial relic abundance will overclose the Universe
and the annihilation of magnetic monopoles can not suppress the density significantly [45].
However, if the phase transition occurs within a dark sector at a temperature much lower
than the GUT scale, the annihilation process after the phase transition governs the final
relic density and it can reproduce the correct dark matter abundance [46].

In the plasma with dark sector particles, monopoles and antimonopoles gradually drift
towards each other due to the attractive forces between them, which enhances the anni-
hilation rate. During the di!usion process of monopoles, the drift velocity depends on
the separation between monopoles and anti-monopoles, and the balance between attractive
force Fd → q

2
M
/r

2 and the drag force F → ↑εcT
2
v

v(r) → q
2
M

εcT
2r2

, (4.3)

where εc = g
↑
D
(T ) is the degrees of freedom in the dark sector that characterizes the drag

force experienced by magnetic monopoles in plasma, and qM = 4ϑ/eD is the magnetic
charge. By requiring the annihilation timescale ϖd ↓ d/v(d) equal to the Hubble time with
d = n

→1/3
M

, we obtain the following monopole number density:

nM

s
→ εc

g↑1/2(T )q2
M

T

Mpl
. (4.4)

However, this process will not reduce the monopole abundance indefinitely. The most
stringent condition to satisfy is that the dark sector particles must be relativistic such that
εc remains nonzero. [LTW: after this, without drag force, should the annihilation still
happen? ] Therefore, the temperature when the di!usion stops is Tc → ϱDmM. Therefore,
the monopole-to-entropy ratio should be evaluated at Tc. Di!erent dyonic states will also be
populated when they scatter in equilibrium in the plasma since their masses are comparable.
Therefore, the final abundance will be multiplied by a factor of NM → 2/ϱD since we expect
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drag:

The balance of these two sets the typical time scale for annihilation. to populate dyonic states from →n to n, with n ↑ 1/ωD setting the limit where the EFT
of magnetic monopoles breaks down. We finally obtain

εM

s
↓ ωDϑc

2ϖ g
1/2
→ (Tc)

m
2
M

Mpl
↓ 0.44 eV

(
ωD

0.04

)(
ϑ
2
c

g→(Tc)

)1/2(
mM

8.8↔ 102TeV

)2

. (4.5)

Therefore, we need a monopole mass of ↑ 106 GeV to reproduce the correct dark matter
abundance that satisfies εM/s = 0.44 eV. For recent studies on the cosmological evolution of
hidden-sector monopoles, see [47–50]. It was argued that the monopole abundance is usually
smaller than that of dark gauge bosons [51–53]. This is because the annihilation between
dark gauge bosons is through the dark electric coupling, which is usually much weaker
than the dark magnetic coupling that governs the annihilation between dark monopoles.
Therefore, it is a universal problem for all scenarios with monopole dark matter. In this
work, we introduce dark-charged fermions in the dark sector as a minimal solution. The
dark W bosons will be unstable and decay to them, while these fermions will further
annihilate away. For fermions with masses much lighter than the dark W bosons, the relic
abundance can be greatly suppressed [54]. However, light fermions will also reduce the DM-
DE interaction since it can modify the dyon mass splitting, as discussed in App. B. One
approach is to consider a fermion mass that is comparable to the gauge boson mass and have
dark fermions further charged under another confining dark sector, leading to a stronger
annihilation. Here we assume the confinement scale is comparable to the dark fermion mass,
and consider an annihilation cross-section of ϱB = 4ϖ/m2

f
with mf ↓ mW /2 = ωDmM/2.

The freeze-out abundance of these dark fermions is thus given by

εf

εdm
↓ 1.88↔ 10↑9

(
GeV↑2

ϱB

)
↓ 0.06

(
mM

8.8↔ 102TeV

)2

. (4.6)

Now we can compare the freeze-out abundance of these dark fermions to the final abundance
of magnetic monopole dark matter. When we plug in the monopole mass that produces the
dark matter relic abundance, the dark fermion abundance is only subdominant. Therefore,
heavy fermions can also be made compatible with the monopole dark matter story. As we
will discuss later, this approach has the advantage that the DM-DE interaction strength
can be enhanced by populating high n dyons with a rotating ς.

4.2 Enhancing the signal with higher n dyons

A rotating ς from the monopole production time to the current Universe can e!ectively
shift the dyon mass spectrum and enhance the strength of the DM/DE interaction. Here
we achieve such rolling with a second axion field that couples to the dark SU(2). [LTW:
a word about why second axion?] The dynamics of a rotating axion field has been studied
in great detail in the kinetic misalignment mechanism [55]. Note that we also produce
some relic density of the second axion through kinetic misalignment, which is required to
be subdominant compared to the magnetic monopole dark matter. The shift symmetry
φ ↗ φ + ωfω [LTW: using φ or ς?] corresponds to the Noether charge ς̇↘S≃2. After the
PQ charge is generated, the following quantity is conserved

nε

s
=

ς̇↘S≃2

s
= const, (4.7)

– 12 –


